
The Strength of Smoothed Particle
Hydrodynamics in Modelling Binary

Interactions

By

Thomas Reichardt
Supervisors: Professor Orsola De Marco and Dr Jan Staff

A thesis submitted to Macquarie University
for the degree of Master of Research

Department of Physics and Astronomy
January 2016



ii

© Thomas Reichardt, 2016.

Typeset in LATEX 2ε .



iii

Except where acknowledged in the customary manner, the
material presented in this thesis is, to the best of my knowl-
edge, original and has not been submitted in whole or part
for a degree in any university.

Thomas Reichardt



iv



Acknowledgements

First of all, I’d like to acknowledge my family. My parents and my brother have always
supported me with my choice of career path, encouraged me to do my best in all of my ven-
tures, and supported me for 22 years. I can’t thank them enough for it. To Mum, thanks for
pushing me when I start to procrastinate and telling me to give it my all. To Dad, thanks for
patiently listening to me ramble on about my coding woes and introducing me to delicious
coffee (which has become fundamental). Also, thanks Pete for being a great brother, and
friend, and dealing with my abnormal affection.

Secondly, I’d like to acknowledge my supervisors, Orsola De Marco and Jan Staff. They
have provided invaluable support, direction and insight throughout my entire project, helping
me to grow as a researcher. Orsola has remained optimistic throughout the entire year about
my progress, certainly beyond my own expectations, which provided an excellent working
environment. She has always been there when I needed advice or answers; I can’t think of
any other who I would prefer as a supervisor or friend. Thanks also to Jan, who (until he
left!) visited my desk every day to check if I had any questions that needed answering or
interesting results that I wanted to show off, and patiently explained the points that probably
should have been obvious to me. On a similar note, I’d like to acknowledge Roberto Iaconi,
who introduced me to the code that I have been using and has, on more than one occasion,
listened as I tossed ideas around. Finally, thanks to Daniel Price and James Wurster, who
accommodated me twice at Monash University and, more importantly, wrote the code that I
have been using this year for my work.

Lastly, thanks to all of my friends who have offered many distractions from the world of
astrophysics. I am hesitant, but I will acknowledge Dan and Adrian (I suppose) for their roles
of reminding me about deadlines and guidelines which I had not met. Thanks also to Tim
and Mitch for the numerous evenings we’ve spent this year (and many years prior) hanging
out; a welcome reprieve from working.



vi Acknowledgements



Abstract

The common envelope interaction gives rise to the formation of close binaries comprising
at least one evolved star, such as a white dwarf. The idea behind the common envelope
interaction is attractively simple. However, hidden complexities have prevented a full under-
standing of the interaction. Hydrodynamic simulations of this interaction have been pivotal
in gaining an understanding of compact binary systems and phenomena that may result from
them, such as novae and x-ray binaries. Unfortunately, notable disagreements still exist
amongst simulations and between simulated parameters of post-common envelope binaries
and observations, such as differing final separations.

In this work, we perform common envelope simulations with a new smoothed particle
hydrodynamics code, Phantom, which has never been trained on this problem before. The
lack of a simulation domain boundary, along with excellent conservation of energy and an-
gular momentum, allows us to track the interaction in its entirety. We start by reproducing
the simulations of Passy et al. (2012) to calibrate the code. Phantom is then used to carry
out preliminary simulations of the phases preceding the fast inspiral and its effects on later
stages of the interaction. We also investigated how bound gas that falls back onto the binary
after the inspiral phase, leading to a new interaction. Although some computational issues
remain to be resolved, Phantom has thus far proved to be an excellent tool in the study of
binary interactions.
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1
Introduction

1.1 The formation of close, evolved binaries
As telescopes and detectors have steadily improved and increasingly large swathes of sky
have been surveyed over time, it has slowly become clear that the Universe is filled with
transient events. Nova and supernova outbursts are some of the most well known and studied
examples, due to the fact that they are frequent (the former) or bright enough to be visible
at very large distances (the latter). Other types of transient events, such as x-ray binaries,
mergers or other stellar exotica, are less frequent and still comparatively poorly studied, but
data is rapidly accumulating (Kasliwal et al., 2012). Many of these events require close bi-
nary systems, and are expected to be formed from the result of a binary system undergoing
at least one “common envelope” (CE) interaction phase. This type of interaction was origi-
nally proposed by Paczynski (1976) as a method of reducing the orbital separation of binary
systems to explain how cataclysmic variables (stellar systems which irregularly experience
dramatic increase in brightness before returning to their original state) may form.

Supernovae are a well known transient phenomenon, with the more relevant case here
being type Ia supernovae (SNe Ia). These events have their origins in short period binary
systems with either one or both of the components being a white dwarf. There are three
common paths that have been suggested to lead to SNe Ia. The single degenerate path re-
quires a white dwarf primary with a main sequence companion, with the two components
being close enough that gas is being stripped from the outer atmosphere of the main se-
quence star and accreted by the white dwarf. Eventually, this will increase the mass of the
white dwarf above the Chandrasekhar mass limit, at which point the pressure exerted due to
self-gravity overcomes the electron degeneracy pressure in the white dwarf and the star tears
itself apart in a thermonuclear explosion (Han and Podsiadlowski, 2004). The second sce-
nario is known as the double degenerate scenario and occurs when two white dwarfs merge,
pushing the total mass over the Chandrasekhar mass and detonating (Webbink, 1984). The
final path is known as the double detonation scenario, wherein helium is accreted slowly
and stably enough onto the surface of the white dwarf primary that a helium shell builds up
around it. At some point, this shell will hit a critical mass and begin to fuse explosively,
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sending a shock wave through the white dwarf which can cause the local pressure to over-
come electron degeneracy pressure and cause a runaway explosion (Fink et al., 2007). The
common trend here is that all of the scenarios require a highly evolved primary star that is
very close to the companion.

SNe Ia are particularly useful as they are thought to have some standardisable peak lumi-
nosity, and hence can be used as distance indicators for far points in the Universe. Schmidt
et al. (1998) and Riess et al. (1998) observed many of these supernovae at great distances, and
applied their standardisable brightness to determine that the expansion of the Universe was
accelerating. For this work, Brian Schmidt, Adam Reiss and Saul Perlmutter were awarded
the 2011 Nobel Prize in Physics.

Novae and dwarf novae are two examples of a group of transient events known as cat-
aclysmic variables. These variables are binary systems that experience occasional or semi-
periodic, dramatic increases in brightness. Similarly to the SNe Ia progenitor systems, nova
and dwarf nova outbursts result from systems wherein a white dwarf primary has formed an
accretion disk from material stripped from a Roche lobe filling companion, where the Roche
lobe is a teardrop shaped region of space around the star within which gas is gravitationally
attracted to the star.

The close binaries from which these transient events arise are thought to be formed
through a common envelope interaction. The more massive of the stars in an initial binary
system will eventually evolve to have a radius on the order of magnitude of the separation be-
tween the two stars. Mass transfer leads then to the formation of a common envelope within
which the secondary and the core of the primary will spiral closer together (Ivanova et al.,
2013). The core of the giant star is essentially a white dwarf, so finding binary systems with
at least one white dwarf wherein the orbital separation is shorter than the diameter of the red
giant from which the white dwarf formed is a direct way of finding systems that must have
undergone a common envelope event. Some of these systems are surrounded by a planetary
nebula (Bond, 2000; Miszalski et al., 2009), the remnant of the common envelope that was
shed by interactions with the cores.

Close binary systems where both components are either neutron stars or black holes are
also thought to require one or more common envelope interactions in their formation. It is
fairly simple to understand why the common envelope is thought to be a necessary part of the
evolution of these types of systems. White dwarfs, neutron stars and black holes all require
normal stellar evolution, where a star will progress from the main sequence to the red giant
branch (RGB). Further stages of evolution may occur, but the RGB is the first stage from
which a common envelope is a natural result. When moving from the main sequence to the
RGB, a Sun-like star’s radius will increase from 1 R� to approximately 170 R� (Sackmann
et al., 1993), which is approximately two orders of magnitude larger than the orbital separa-
tions of observed post-common envelope binaries (Schreiber and Gänsicke, 2003; De Marco
et al., 2011). So understanding the common envelope phase, and how the initial binary pa-
rameters lead to different outcomes, becomes necessary to be able to predict the formation
rates of close binary classes, their parameters and transient phenomena in general.

The most commonly cited example, and probably the only example, that we have of a
common envelope being observed in action is V1309 Scorpii. This object was discovered
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in September 2008, though observations taken by the OGLE-III and OGLE-IV surveys for-
tuitously had covered the area of sky in which the object was situated for the prior 7 years.
This system has been observed since 2001, with observations from this time revealing it to
have been a close binary system with a period of approximately 1.44 days. This period de-
creased by about 0.02 days between the first observation and 2007 (Tylenda et al., 2011).
The light curve during this period showed two distinct peaks, offset by roughly half a period,
corresponding to two stars in a very tight, eclipsing orbit. In 2007 the secondary peak in
the light curve quickly disappeared, indicating that the secondary star had been somehow
obscured. In April of 2007, V1309 Sco had reached a local maximum in brightness, with
an approximate magnitude of 15.5. At this point, the magnitude began to drop down to ap-
proximately 16.8 until, in March 2008, the brightness increased in a roughly exponential
manner to a maximum magnitude of ∼6.8 (Tylenda et al., 2011). Having these observations
over a 7 year period allowed a complete picture of the orbital evolution of the system to be
determined. After the massive outburst in 2008, there was no sign of binarity in the system,
with the components presumably having merged to form one star. These observations leave
little doubt that, prior to 2008, V1309 Sco was a contact binary. Throughout 2007, it seems
that the system underwent a common envelope interaction, as evidenced by the fact that the
second peak in the light curve disappeared. Finally, in 2008 the common envelope caused the
two stars to spiral towards each other even more than previously, before finally merging and
liberating gravitational energy in an eruption that increased the luminosity by 104 times. As
there are no other mechanisms known to explain both the changing period of the system and
the resulting huge outburst, simultaneously, the evolution of V1309 Sco was almost certainly
caused by a common envelope event (Tylenda et al., 2011; Nandez et al., 2014).

A large fraction of all intermediate luminosity optical transients are today thought to
be such mergers of two main sequence stars (Kasliwal, 2013; Soker and Kashi, 2011). If
this is the case, then common envelope events are being readily observed even now. With
increasingly sensitive observations in the years to come, these data will be obtained ever
more frequently.

1.2 Theoretical description of the common envelope inter-
action

Although common envelope interactions are seldom observed, observational data of post-
common envelope binaries offer a channel through which we can gain greater knowledge of
the final parameters of such an interaction. There are numerous systems that are thought to
have gone through a common envelope phase, as their current orbital separations are on the
order of 1 to 10 R�, and the primary star is a white dwarf (De Marco et al., 2011; Schreiber
and Gänsicke, 2003). Schreiber and Gänsicke (2003) show that almost half of a sample of
30 post-common envelope binaries will evolve to transfer mass again in the future. That is,
within a Hubble time, magnetic braking and gravitational radiation will decrease their sepa-
rations such that they will start transferring mass and evolve into cataclysmic variables.

The common envelope interaction began as an idea to explain the formation of cata-
clysmic variable systems, focusing particularly on the formation history of the short period
binary V471 Tau (Paczynski, 1976). The common envelope phase is defined in that paper by
first considering a system comprised of two main sequence stars with some relatively wide
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separation. The more massive component of this system will eventually evolve to become a
red giant and overflow its Roche lobe. When this occurs, the outer atmosphere of the giant
streams to the companion and a contact binary system is formed. Paczynski (1976) goes on
to suggest that material will likely build up around both stars, and that there is no foreseeable
reason for the gas beyond the outer Lagrangian point to be shed without interactions with
the two cores. This envelope may last for many orbital periods, and is known as a common
envelope. Interactions of the stars with this envelope dictate a decrease in orbital separation,
and a lifting of the envelope material. Paczynski (1976) also mentions private conversations
with Jeremiah Ostriker as well as Ron Webbink’s PhD thesis as the genesis of the idea.

Descriptions of the common envelope are often simplified and broken down into several
distinct phases. Chronologically, the first phase is essentially the evolution of the system
that leads up to the common envelope event. Primarily, it explains how a corotating, stable
binary may be transformed into an inspiralling binary. This stage incorporates the stellar
evolution of the primary. At some point, the star will cease fusing hydrogen in the core
and begin to contract slightly. This contraction allows the ignition of a hydrogen fusing
shell around the helium core, the result of which is that the star will evolve into a red giant,
increasing its radius until it is approximately 100 times larger than before. It is likely that
this expansion will cause the outer atmosphere of the primary to expand beyond its Roche
lobe, setting up a period of mass transfer and, if the donor star is more massive than the
companion, the system experiences a resulting decrease in the orbital separation until the
next stage can occur. Another potential route by which a corotating binary may decrease its
orbital separation is known as the Darwin instability (Darwin, 1879). In the case of a circular
orbit, when the spin angular momentum of the stars is greater than one-third of the orbital
angular momentum, or:

Jspin >
1
3

Jorb (1.1)

and the orbital separation is reduced, angular momentum is removed from the orbit. The
reduction in the orbital separation increases the angular velocity, and the result is that the
lost orbital angular momentum is added to the spin angular momentum of the stars in an
attempt to keep the primary spin synchronised with the orbit. However, when the above
threshold criterion is met, keeping the binary in corotation requires more angular momen-
tum than what was extracted by the shortening of the orbit, so the system again reduces its
separation to accommodate this. This causes a further need to spin up the primary, resulting
in a positive feedback loop which quickly extracts angular momentum from the orbit, forcing
the two stars closer together.

The second stage of the common envelope is often known as the fast inspiral. This stage
is characterised by the secondary being enveloped by the atmosphere of the primary, result-
ing in a sudden and dramatic reduction in the orbital separation. However, the reduction of
the orbital separation means that the envelope has gained some angular momentum, as the
gas interacts gravitationally with the cores and is essentially lifted from the system. It is the
interaction between the cores and the gas that drives the quick evolution of this system.

The plunge-in of the secondary star into the envelope of the primary will likely eventually
level out into a much slower, self-regulated inspiral phase, wherein the frictional luminosity
released by the inspiral pushes gas away, which reduces the luminosity and hence the local
density increases again (Meyer and Meyer-Hofmeister, 1979). This sequence regulates the
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further inspiral of the cores, and operates on the thermal timescale of the system (Ivanova
et al., 2013).

At this point, it is important to note that there are two possible outcomes of a common
envelope interaction. Either the two stars will end up in a much more compact orbital ar-
rangement than when they started and the envelope will be completely removed from the
system, or else, if the envelope is not ejected, the cores continue to transfer angular momen-
tum to the envelope and continue to inspiral until they end up merging. It is this second case
that was the final outcome of V1309 Sco. Despite the apparent simplicity of this interaction,
we are still unclear on how the final outcomes (e.g. final separation) may depend on the
initial parameters.

A key to understanding common envelope evolution is the nature of the interaction be-
tween the cores (i.e. the companion star and the degenerate helium or carbon-oxygen core
of the primary star) and the common envelope material. At first, it seems plausible that the
angular momentum of the cores is reduced as a result of direct collisions of the primary core
and companion with the surrounding gas. While this effect seems to be a reasonable expla-
nation in principle, in practice, the cross-sections of the cores are nowhere near large enough
for collisions alone to reproduce the physical parameters of post-common envelope objects.
This type of interaction, known as frictional or “hydrodynamic” drag, is certainly present in
the common envelope, however, simulations have found that it is dwarfed by a second drag
force known as “gravitational" drag (Ricker and Taam, 2008). Indeed, Passy et al. (2012)
found with their simulations of the common envelope that the hydrodynamic drag must be
around three orders of magnitude smaller than the gravitational drag. Thus, when dealing
with the common envelope, the hydrodynamic drag is quite often ignored.

As suggested by the name, gravitational drag does not require any physical contact be-
tween two objects, instead dictating a transfer of energy and angular momentum purely
through the influence of gravity. The exact nature of gravitational drag in the presence of
a density gradient has never been fully studied, though MacLeod and Ramirez-Ruiz (2015)
briefly addressed it in their study of asymmetric accretion flows. As the core and compan-
ion star move through the gas of the envelope, the gas flows around them, forming a dense
wake behind them. This contributes to slowing the cores down and to reducing the orbital
separation as a result. On the other hand, in the common envelope simulation of Staff et al.
(2015), the two cores maintain an approximately Keplerian velocity throughout the inspiral.
It is thought, therefore, that a more important effect in this case is that the density is slightly
higher towards the centre of the giant star’s envelope, and hence more gas will move past
the inspiralling companion on the inside. This causes an asymmetry of gas flowing around
the star. This imbalance causes a slight shift in the trajectory of the cores, forcing them into
a tighter orbit. The gas gains the angular momentum lost from the orbit, and is typically
lifted from the system. Iben and Livio (1993) define a formula with which to estimate the
magnitude of the gravitational drag:

Fdrag = ξπR2
a ρ(v − ve)3 (1.2)

where ξ is a scaling factor that depends on the Mach number (see also Ostriker (1999)), ρ is
the density of the gas, v − ve is the relative velocity between the cores and the gas and Ra is
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the accretion radius defined by:

Ra =
2GM

(v − ve)2 + c2
s
,

where cs is the local sound speed.

The common envelope interaction has generally been described with the ‘energy formal-
ism’, which is written in the simplest form by equating the gravitational binding energy of
the envelope with the difference in orbital energy of the initial and final configurations of the
two stars:

Ebind = ∆Eorb ≡ Eorb,i − Eorb,f. (1.3)

In common envelope descriptions, an envelope ejection efficiency parameter, α, is also in-
serted, dictating the efficiency with which the orbital energy unbinds the envelope. The
common definitions of binding energy and the change in orbital energy are:

Ebind = G
M1M1,env

λR1
(1.4)

∆Eorb = −G
M1M2

2ai
+ G

M1,cM2

2af
(1.5)

where G is the gravitational constant, M1 is the mass of the primary, M1,env is the envelope
mass, M1,c is the primary core mass, M2 is the companion mass, R1 is the radius of the pri-
mary, ai and af are the initial and final orbital separations and λ is a parameter characterising
the structure of the primary star with values generally between 0.2 and 0.8 for main sequence
stars (Dewi and Tauris, 2000). The value of λ describes the distribution of the mass within
the star, with lower values characterising more compact stars and larger values extended
stars. Hence, the common form of the energy formalism is (Ivanova et al., 2013):

G
M1M1,env

λR1
= α

(
−G

M1M2

2ai
+ G

M1,cM2

2af

)
. (1.6)

Other forms of this equation have been used in studies of the common envelope (De Marco
et al., 2011), which inevitably leads to confusion in comparison of results.

1.3 Previous common envelope simulations
Simulations of the common envelope interaction are an important tool with which we can
understand observed systems. They have been carried out over many years, but have pre-
viously suffered from being under-resolved. While this problem still persists, simulations
are quickly increasing in resolution. One of the first notable simulations of the common
envelope phase was carried out by Rasio and Livio (1996). This simulation was conducted
with a smoothed particle hydrodynamics (SPH) code with approximately 5 × 104 particles,
and modelled the dynamical mass transfer and fast inspiral stages of a common envelope
interaction. Their binary system contained a 4 M�, 63 R� red giant primary and a 0.7 M�
point-mass companion, separated by 100 R�. Approximately 10% of the mass of their enve-
lope was unbound from the binary, though they noted that calculating the bound mass with a
term for the enthalpy of each particle returns a slightly larger fraction of unbound mass than
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Simulation M1 (M�) M2 (M�) R1 (R�) ai (R�) a f (R�) Munb (M�)
Rasio and Livio (1996) 4 0.7 63 100 2 8-14%
Sandquist et al. (1998) 3, 5 0.4, 0.6 200, 356 289, 536 4, 9 31%, 23%

Ricker and Taam (2012) 1.05 0.6 32 61 9 26%
Passy et al. (2012) 0.88 0.6 ∼90 ∼90 20 15%

Nandez et al. (2014) 1.5 0.16 ∼3.3 ∼6.3 0 ∼2%

Table 1.1: Parameters of the simulations carried out in previous works.

when enthalpy is ignored. The low fraction of unbound mass is one of the primary disagree-
ments between simulations and observations. It is clear that the majority of the envelope
mass must be unbound from the system, or else common envelope interactions would leave
behind no close binary systems, only mergers.

Every simulation since the preliminary work of Rasio and Livio (1996) has encountered
a similar problem. One of the simulations of Sandquist et al. (1998) consisted of a 3 M�,
200 R� radius primary and a 0.4 M� companion separated by ∼290 R�. The core of the
primary was modelled as a point particle of mass 0.7 M�. These simulations, which were
carried out with a nested Eulerian grid code, resulted in unbound masses in the range of
20-30% (note that this is an inference from their plots). Further simulations using SPH
(Passy et al., 2012, to be discussed further in subsequent chapters) yielded an unbound mass
percentage of 15%. Ricker and Taam (2012) ran simulations using the adaptive mesh refine-
ment (AMR) grid code, FLASH (Fryxell et al., 2000), with a primary star of ∼30 R� and
mass 1.05 M� and a 0.6 M� companion at a separation of ∼60 R�. The core of the pri-
mary (0.39 M�) and the companion were modelled with clouds of 200 000 particles moving
as solid bodies, and interacting with the gas only gravitationally. This simulation yielded
a similar unbound mass percentage compared to previous simulations (26%). Some more
recent simulations have been performed by Nandez et al. (2014) using an SPH code, with
the explicit aim of attempting to recreate the V1309 Sco merger. They used a binary system
with a subgiant primary of mass 1.52 M� and radius 3.3 R�, and a compact companion of
mass 0.16 M�, separated by 6.3 R�. This simulation resulted in a merger and the unbound
mass percentage was very low (2%). Some of the parameters of these simulations can be
seen clearly in Table 1.1.

Some solutions to the problem of too little unbound mass have been proposed. A primary
example is that of the role of the recombination energy in the energy budget for the common
envelope interaction, which has most notably been addressed by Ivanova et al. (2015) and
Nandez et al. (2015). As much of a giant star comprises ionised hydrogen and helium, there
is a lot of stored energy that may be released when the plasma recombines to form neutral
hydrogen and helium. Webbink (2007) calculated that the recombination energy of a giant
star would be on a similar order of magnitude to the gravitational binding energy, and hence
could potentially influence the common envelope interaction. Nandez et al. (2015) gives
details of SPH simulations that include a recombination term in the energy formalism. For
the most part, these simulations used approximately 105 particles. It was found that, by the
end of the simulations, 99.8% of the envelope was unbound, and the orbital separations were
∼2 R�. This is a particularly promising result for the field, though the work is clearly still
preliminary, in that the system they simulated was somewhat more compact than those simu-
lated by other authors, so it is not possible to compare results. Further, their simulations were
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mostly carried out with ∼100 000 particles (one simulation had 200 000 particles), which is
a low resolution, and a convergence test was not carried out.

What is interesting about the results of Nandez et al. (2015) is that the final orbital sep-
aration is low. For the mass ratio q ≡ M2

M1
= 0.37, their orbital separation decreased from an

initial value of 60 R� to the final separation of 2 R�. All past simulations, except for one,
have separations that are large compared to the orbital separations of post-common envelope
binaries (see Fig. 17 in Passy et al. (2012)) and are correlated with q. The only simulation
prior to that of Nandez et al. (2015) to have a separation that was very low for the value of q
is that of Rasio and Livio (1996), who had a final separation of a f = 2 R� with q = 0.18. It is
not clear why some simulations have such low separations, nor is it clear whether they would
observe the dependency on q seen by Passy et al. (2012), which is not found in observations.
It is possible that low final separations are favoured in interactions with the heavy and/or
compact giants used both by Rasio and Livio (1996) and by Nandez et al. (2015). What
seems clear is that the addition of the recombination energy by Nandez et al. (2015), which
solves the bound envelope problem, is not likely to be the reason for a low final separation;
the addition of recombination energy to unbind more mass should, if anything, contribute to
a larger, not smaller, final separation.

1.4 Motivation for the current work
Despite the importance of the common envelope interaction and the large body of work that
has been dedicated to understanding it, there is still so much uncertainty in our knowledge of
how common envelope interactions start, progress into the dynamical infall and terminate,
leaving behind the close binary system.

Up until this point in time, there have been few simulations investigating what may hap-
pen before the rapid infall phase, during tidal interaction and Roche-lobe overflow phases,
or what happens to gas that is ejected from the system during the rapid infall but remains
bound. Kashi and Soker (2011) and De Marco et al. (2011) suggest that this bound material
will eventually return to the system to form a circumbinary disc. Part of this disc may in-
teract again with the binary system, and provide a new opportunity for the stars to transfer
orbital angular momentum to the gas. This might have the effect of increasing the radius of
the disc, while also decreasing the orbital separation of the binary (Kashi and Soker, 2011;
Kuruwita et al., 2015). The post-fast inspiral phase of the common envelope interaction is
particularly poorly simulated as it occurs over longer timescales than the fast inspiral phase.
It may be particularly useful to explain why simulated final separations are larger than ob-
servations. Kuruwita et al. (2015) showed that the orbital separation does decrease during
an interaction with a fallback disc, though the fallback interaction results in minimal further
unbinding. The simulations of Nandez et al. (2015), on the other hand, provide us with a
likely explanation of how more mass can become unbound. However, they do not readily
explain how to reduce the post-rapid infall separation. Their simulations have low final sep-
arations, but this may be due to their using relatively compact primary stars and low initial
orbital separations. It is possible that the actions of recombination energy and fallback gas
in tandem may provide a better model for the common envelope interaction.

The simulations of Kuruwita et al. (2015) were carried out with a grid code and the
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fallback setup was somewhat artificial. An SPH code is needed to be able to simulate the
full common envelope interaction, from the lifting of the envelope to the formation of a
circumbinary disc due to fallback gas, because grid codes will lose information on any mat-
ter that moves beyond the simulation boundary. For this reason, SPH codes are also better
at tracking energy and angular momentum losses that inevitably plague numerical simula-
tions. In general, SPH codes will perform comparably to grid codes in the common envelope
parameter space, as confirmed by Passy et al. (2012); ultimately, both code types have ad-
vantages and disadvantages and it remains an asset to use both in tandem. A more detailed
comparison of the two code types is offered in Section 2.2.

In this work, we will be using a new SPH code, Phantom, developed by Price et al.
(2015), for our simulations. This was chosen because the code includes all the necessary
physics and setup options, and because any modifications can be easily implemented with
the help of the primary code developers. We have worked with Dr Price throughout this
project in order to improve the ability of the code to simulate common envelope interactions.
Phantom has also been developed specifically with non-cosmological applications in mind
(Price et al., 2015), and while there are other SPH codes that have already been set up for
common envelope interactions, training new codes at existing problems can help to shed new
light on the matter.

One strong motivation for our work and for intensifying efforts on modelling the com-
mon envelope interaction is that time-domain surveys are becoming increasingly available
and they should be able to detect and observe common envelope events as they occur. With-
out a reasonably accurate model of common envelope interactions, the data produced by
such surveys will be difficult to interpret.

The Palomar Transient Factory was one of the early time-domain surveys, specifically
built with the ability to investigate optical transient and variable events with a cadence vary-
ing from minutes to years (Rau et al., 2009). The design goals of the survey was specifically
to observe a wide variety of transient events, some of which are the end results of common
envelope interactions. Originally intended to operate from 2009 to 2013, a new collaboration
was formed in order to keep the survey operating, until at least 2017 when its successor, the
Zwicky Transient Facility, is scheduled to open (Surace et al., 2015). The Catalina Real-
Time Transient Survey is a survey carried out by a collaboration between three wide-field
telescopes in America and Australia. The survey covers an area of 30,000 square degrees
with cadences of 10 minutes and greater. It has been particularly successful in identifying
supernovae and cataclysmic variables, and all data is published immediately electronically
and is freely available (Djorgovski et al., 2011). Finally, the Large Synoptic Survey Tele-
scope is an 8.4 metre telescope that will undertake a 10 year survey of of 30,000 square
degrees of the sky, covering this area every three nights. The cadence of the imaging will
vary such that objects changing in brightness on timescales ranging from minutes to decades
will be sampled appropriately (Ivezic et al., 2008). This survey will offer an unparalleled
combination of depth and sheer amount of data on transient events.

In addition to transient surveys, the advanced Laser Interferometer Gravitational Wave
Observatory is slated to open in 2015, and will perhaps detect gravitational waves for the
first time (Harry et al., 2010). Aside from the obvious importance of detecting gravitational
waves as a test of General Relativity, this could provide data on X-ray binaries and other close
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binary mergers comprising neutron stars and black holes. These are all excellent sources of
gravitational waves when they merge, and all form via one or two common envelope interac-
tions. In order to predict merger rates and hence gravitational wave source rates, population
synthesis codes need to incorporate the efficiency of the common envelope ejection, a num-
ber (or function) that can potentially be determined via simulations.



2
SPH Simulations of the Common Envelope

Interaction

In the previous chapter, we discussed the background of the common envelope interaction
and explained why it is a worthwhile phenomenon to study. In particular, we outlined some
of the many simulations that have been carried out in the past in this area. In this chapter,
we will give some general details of the smoothed particle hydrodynamics method, compare
the Lagrangian SPH and Eulerian grid methods and also examine the code, Phantom, used
in this work.

2.1 The smoothed particle hydrodynamics numerical method

Smoothed particle hydrodynamics (SPH) is one of a couple of major classes of computa-
tional hydrodynamics techniques. It is a method of simulating fluid dynamics by solving
the equations of motion for discrete parcels of the fluid, and hence it fits into a Lagragian
methodology of fluid flow. The primary difference between Lagrangian and Eulerian rep-
resentations of the motions of fluid is that the Eulerian representation follows how the fluid
moves through a fixed volume in space, while the Lagrangian method follows how a parcel of
the fluid moves with respect to other parcels. Primarily, SPH provides an answer to the issue
of computing the density from a collection of particles (Price, 2011). Each of the particles
in the simulation has a constant mass, but has a volume that is inversely proportional to the
number of particles in its immediate area. It is this latter property that is a unique function of
SPH codes, and is what leads to the ‘smoothed’ nature of the particles. This means that each
of the particles has their mass smoothed over a volume in a manner dictated by a smoothing
kernel, W . Hence the density at any point can be written as a sum of the masses in the area
weighted by the smoothing kernel (Monaghan, 2005; Price, 2011),

ρ(r) =

Nneigh∑
j

m jW (|r − r j |, h) (2.1)
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where m j , r j and h are the mass, position and smoothing length of particle j, respectively.
The smoothing length of a particle dictates how spread out the particle is, such that low den-
sity particles will have a large smoothing length. Particles, then, are not point masses, but
rather interpolation points in a continuous density field. The summation is carried out over
the particles in the area surrounding the position at which the density is to be calculated;
hence Nneigh is the number of neighbouring particles, and is related to the smoothing length
and the chosen kernel. In the case of the most common kernel, the cubic spline (discussed
below), the optimal number of neighbours is somewhere around 60, as particles begin to be-
come paired when Nneigh > 65 (Price, 2011). More generally, a quantity which is a function
of position in space, designated here as A(r), can then be approximated at any point in the
computational domain by solving the summation of this quantity over nearby mass elements,

A(r) =

Nneigh∑
j=1

m j
A j

ρ j
W (|r − r j |, h) (2.2)

It can be seen that if we are trying to calculate the density, A j = ρ j and the sum becomes
equation 2.1. This sum should be over all particles in the simulation, but the smoothing ker-
nel is often chosen to have “compact support”. In other words, W decreases to zero beyond
a radius of twice the smoothing length h from particle j as the kernel decreases enough to
be negligible beyond 2h, and the summation over all particles would drastically increase the
time required to complete the simulation. Hence, the sum typically only includes the parti-
cles within 2h of the central particle.

The smoothing kernel function must obey a number of properties for it to be considered
viable. The most general properties include (Liu et al., 2003):

1. The function must be normalised, that is, the integral of the function must be equal to
unity; ∫

W (|r − r′|, h)dr′ = 1

2. The function should be monotonically decreasing, and

3. The function should display the behaviour of the Dirac delta function in the limit that
h → 0;

lim
h→0

W ( |r − r′|, h) = δ(r − r′)

While these conditions allow the possibility of the smoothing kernel being represented
by an infinite number of functions, the most commonly used is the cubic spline, which takes
the form

W (r, h) =
1

4πh3




(2 − q)3 − 4(1 − q)3 for 0 ≤ q ≤ 1
(2 − q)3 for 1 ≤ q ≤ 2
0 for q > 2

(2.3)

where q ≡ r
h . It should be noted that here we have written r − r′ = r as the kernel should

be independent of direction, instead depending only on radius. This kernel is defined by
W (r, h) = 1

h3 M4, where M4 is from the group of Mn splines, identified by the Fourier trans-
form (Monaghan, 2005)

Mn(x, h) =
1

2π

∫ ∞

−∞

(
sin(kh/2)

kh/2

)n

cos(k x)dk
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With the use of equations 2.1 and 2.3, the density may be calculated at any particle,
and indeed at any point in the computational domain. With this knowledge, we can move
on to address the question of what to do with it. The hydrodynamic equations dictate the
properties of a fluid, and density is a typical input. The first of the fluid equations is the
continuity equation, which enforces conservation of mass within a system:

dρ
dt

+ ρ∇ · v = 0, (2.4)

where ρ is the density and v is the velocity and the derivative here is known as the Lagragian
derivative, defined as:

da
dt

=
∂a
∂t

+ v · ∇a,

for some variable a. The equation of motion of the gas is the next equation to be considered,
and can be written in the following form:

dv
dt

= −
1
ρ
∇p − ∇Φ, (2.5)

where p is the pressure, and Φ is the gravitational potential (hence, ∇Φ = −g, for g the
gravitational acceleration). This equation represents conservation of momentum within the
system. The third conservation equation expresses conservation of energy, and may be writ-
ten:

du
dt

= −
1
ρ
∇ · (pv), (2.6)

where u is the specific internal energy of the gas. The final equation, to complete the set, is
the equation of state for the gas:

u =
1

γ − 1
p
ρ
, (2.7)

which gives a relationship between the specific internal energy and the pressure and density.
In this equation of state, γ is the ratio of the heat capacities at constant pressure and constant
volume. The most common value of γ is 5

3 for an ideal, monatomic gas. The inclusion of
radiation to the mix decreases the value of γ to approach the isothermal value of 4

3 . This
equation of state ceases to be valid when an ideal gas is no longer being simulated; for ex-
ample, the recombination of ions and electrons releases energy within the gas, changing the
equation of state to a non-analytical form.

Equations 2.4 to 2.7 are the basis of fluid dynamics, and are discretised for use in a
hydrodynamic code. In SPH, the continuity equation can be represented as a sum over the
particles in the simulation in the following manner (Monaghan, 2005):

dρa

dt
= ρa

∑
b

mb

ρb
vab · ∇aWab, (2.8)

where ρa is the density at particle a, mb and ρb are the mass and density of a neighbouring
particle b, where the sum is carried out over all neighbouring particles. Here we have also
written vab = va − vb for the difference in velocities between particle a and neighbouring
particle b, and Wab = W (ra − rb, h) is the value of the kernel of particle b at point a. The
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SPH forms of the acceleration and energy equations can also be shown to be of the following
forms:

dva

dt
= −

∑
b

mb *
,

Pb

ρ2
b

+
Pa

ρ2
a

+
-
∇aWab (2.9)

dua

dt
=

Pa

ρ2
a

∑
b

mbvab · ∇aWab (2.10)

Note that these equations in their raw form do not contain a term for dealing with gravity.
This can be added, at which point these equations will exactly mirror their continuous coun-
terparts.

SPH in this form is non-dissipative, meaning that there is no dissipation or diffusion of
energy. While in general, this can be a good thing as energy is explicitly conserved in the
system, some schemes require some form of artificial viscosity which must be added to the
code (Price, 2011). This artificial viscosity often takes the form of an extra parameter added
into the acceleration equation:

dva

dt
= −

∑
b

mb *
,

Pb

ρ2
b

+
Pa

ρ2
a

+ Πab+
-
∇aWab , (2.11)

where the viscosity term is defined by (Morris and Monaghan, 1997):

Πab =



−
αhvab ·rab
ρ̄ab |rab |2

(
c̄ab − 2 hvab ·rab

|rab |2
)

, for vab · rab < 0

0 , otherwise
(2.12)

Here, α is a unitless viscosity parameter, c is the sound speed, with c̄ab denoting an average
of c at positions a and b. To be able to describe shocks correctly, α must be relatively
large. However, this can cause unwanted and unphysical dissipation in other areas of the
simulation. Hence, viscosity switches have been devised to be able to artifically increase
the viscosity in regions that require it. The standard prescription for this type of switch was
devised by Morris and Monaghan (1997) and dictates the evolution of α with the equation

dα
dt

= max(−∇ · v, 0) −
α − αmin

τ
(2.13)

where αmin = 0.1 is the generally assumed value, and τ is the e-folding time for α to reduce
to the minimum value. This switch ensures that shocks are captured considerably better than
with a static α, while also offering low dissipation in other regions.

2.2 Lagrangian SPH and Eulerian grid codes
Grid based codes have been used for common envelope simulations quite successfully. As
mentioned in Section 2.1, they employ the Eulerian view of hydrodynamics, which models
a fluid by calculating its bulk movement through stationary cells in space. These cells are
arranged along a grid, and have constant volumes and contain variable masses. This is di-
rectly in opposition to an SPH code, which uses the Lagrangian perspective of modelling the



2.3 The Phantom SPH code 15

movement of fluid parcels, such that SPH particles have variable volume and constant mass.

As a result of grid codes having cells with fixed volume and position, there is a defined
boundary to the simulation. If anything in the simulation moves beyond this boundary, then
all information about it is lost. As may be expected, this can cause issues in the resulting
morphology of a common envelope interaction, as well as making it somewhat difficult to
calculate the fraction of bound mass or checking energy and angular momentum conserva-
tion. Further, when simulating a star, grid codes necessarily need to include a low density,
high temperature medium surrounding the star in order to keep it stable. This can make it
difficult to interpret some of the results of the simulation. These issues are easily solved in
SPH, as the movement of the gas relative to an arbitrary origin is tracked by moving interpo-
lation points, hence there is no set boundary and mass will never be lost. Further, as will be
discussed in Chapter 3, the stabilisation of a star in SPH does not require an external medium
to keep the star in equilibrium.

SPH codes, on the other hand, have drawbacks not present in Eulerian grid codes. For
example, SPH codes will generally under-resolve the low density portions of a simulation;
in the case of a common envelope simulation, this is initially the outside of the star and later
the material that is ejected. This is because particles have their smoothing lengths grow in
low number density areas, hence a large volume of space can be covered by a single particle
and any underlying structure is not resolved. Further, the artificial viscosity of SPH may
lead to dissipation issues in the simulations. Grid codes have a set resolution throughout the
computational domain in unigrid, hence features of all densities are captured at a standard
resolution. In adaptive mesh refinement grid codes, the resolution can be improved in areas
of interest, where it is possible to specify the conditions for refinement. As we have explained
in Section 1.4, the complementary advantages and comparable results of grid and SPH codes
promote the use of both code types.

2.3 The Phantom SPH code
Phantom is a SPH code developed specifically with the design goals of being parallelised,
modular and requiring a low memory footprint (Price et al., 2015). It has been developed
over several years to be used in a variety of astrophysical applications. Modules involving
magnetohydrodynamics, self gravity, chemistry and other facets useful over a range of as-
trophysical and hydrodynamic projects are readily available for implementation. Magnetic
fields and H2 chemistry are not considered in this project, and hence will not be covered
here, however, self-gravity is integral for common envelope evolution, as much of the mass
is tied up in non-static SPH particles.

Phantom writes the discretised, SPH form of the fluid acceleration equation as:

dva

dt
= −

∑
b

mb



Pa

ρ2
aΩa
∇Wab(ha) +

Pb

ρ2
bΩb
∇Wab(hb) + Πa

shock


+ aext(xa, t) + aa

sink-gas + aa
selfgrav, (2.14)

where the final three terms give contributions to the acceleration owing to external forces,
interactions between sink particles (to be described below) and gas, and self gravity, respec-
tively. The term Ωa is also a common addition to the acceleration equation, and is related to
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the gradient of particle smoothing lengths:

Ωa ≡ 1 −
∂ha

∂ρa

∑
b

mb
∂Wab(ha)
∂ha

,

where the term ∂ha
∂ρa

= −
3ha
ρa

. Phantom also employs a slightly different version of the energy
equation than what is described above in Equation 2.10:

dua

dt
=

Pa

ρ2
aΩa

∑
b

mbvab · ∇aWab(ha) + Λshock + Λcool (2.15)

whereΛshock andΛcool are terms that are added to account for energy dissipation at the shock
fronts, and for cooling of the gas, respectively (Price et al., 2015).

Like some other SPH codes, Phantom employs a kd-tree for finding neighbouring parti-
cles. The implementation in Phantom is very similar to the method described in Gafton and
Rosswog (2011). The basis of this kd-tree is that the all of the particles in the simulation are
grouped in a cell known as the ‘root’ cell. After this grouping, the root cell is split through
the centre of mass with a plane perpendicular to the longest axis. This approximately leaves
equal numbers of particles in each subsequent cell. This process is repeated recursively,
splitting cells through their centre of mass until a particular cell has less than an arbitrary
limit of Nmin particles. These cells are known as ‘leaf nodes’. Neighbouring particles are
then found by determining nodes that may possibly interact with each other.

Self-gravity in Phantom is approached in the standard fashion of having short range in-
teractions computed with a direct summation of the kernel softened gravitational interaction
between a target particle and its neighbours. Longer range interactions are introduced by
addition of an acceleration between the centre of two leaf nodes, taking into account the
quadrupole moment of the node. The long-range gravitational acceleration on particles in
the leaf node is then calculated by using a second-order Taylor series expansion of the accel-
eration on the node, about the node centre.

Sink particles are a feature of Phantom important for our common envelope simulations.
As will be described in Chapter 3, they are used to approximate the core of an RGB star as
well as the compact companion. Typically, sink particles in SPH codes will be used to accrete
the gas around them when certain conditions are met, however, in the case of our simulations,
the accretion radius has been set to 0. Thus, although we refer to the cores as sink particles,
they actually behave like point mass particles. This allows for accretion to be easily turned
on in future simulations if it is desired. As the cores interact with the gas very little through
collisions, the sink particles are only allowed to interact with the gas particles gravitationally.
The gravitational interaction between sinks and gas is a “softened” interaction, meaning that
at large radii, the potential is very close to the true value, but when the distance between
sink and gas particle is on the order of the “softening length”, the interaction is significantly
less strong. The softening function can take a number of shapes. In Phantom, we have used
either a Plummer potential (for the very first simulations we carried out) or the true potential
softened with the cubic spline (for the more accurate simulations). The gravitational potential
at a particular point in space due to a sink particle is given by:

Φ(r, h) = −GMφ(r, hsoft), (2.16)
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Figure 2.1: Comparison between the true potential (green), the Plummer softened potential (red) and the po-
tential softened with a cubic spline (blue). These were calculated with a mass of 0.6 M� and a softening length
of 3 R�.

where φ(r, hsoft) is the softening kernel. The Plummer softening kernel is given by:

φ(r, hsoft) = (r2 + h2
soft)

−1/2 ,

allowing us to write the Plummer potential as:

Φ(r, hsoft) = −
GM√

r2 + h2
soft

, (2.17)

where M and hsoft are the mass and softening length of the sink particle, respectively. The
softening kernel based on the cubic spline is found by the relation:

W (r, hsoft) =
1

4πr2

∂

∂r

(
r2 ∂φ(r, hsoft)

∂r

)
, (2.18)

where W (r, hsoft) is the cubic spline given in equation 2.3. Solving the equation for the
softening kernel gives

φ(r, hsoft) =
1

hsoft




q5

10 −
3q4

10 +
2q2

3 −
7
5 for 0 ≤ q ≤ 1

−
q5

30 +
3q4

10 − q3 +
4q2

3 −
8
5 + 1

15q for 1 ≤ q ≤ 2

− 1
q for q > 2

(2.19)

where q ≡ r
hsoft

as before. Hence, the potential due to a sink can be found with the use of
equation 2.16. The Plummer potential was introduced initially for the preliminary simula-
tions as it is faster to implement and run. However, it only asymptotically approaches the
true potential at large r , while the cubic spline softened potential becomes the theoretical
potential outside of r = 2hsoft. These two potential shapes can be seen in Fig. 2.1.

A typical feature of SPH codes is to allow the timestep of a simulations to vary based
upon some constraints. This ensures that the accelerations and velocities of particles are cal-
culated in sufficiently small increments, while also decreasing the computational cost. There
are several criteria which can dictate the timestep of a particle in Phantom. The primary
restriction is the commonly used Courant condition:

∆tC = Ccour
h
vsig

(2.20)
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where Ccour = 0.3 is the default Courant factor and vsig is the maximum signal speed over all
neighbouring particles. Enforcing this condition ensures that compression waves and similar
features will take at least three timesteps to move through a particle, therefore the features
are sufficiently resolved in time. A couple more timestep conditions that are used in our
simulations are based upon forces on the particles:

∆ta
f = Cforce

√
ha

|aa |
(2.21)

∆ta
sink-gas = Cforce

√
ha

|asink-gas |
(2.22)

where Cforce = 0.25 is the default value, ha is the smoothing length of particle a and |aa | is
the magnitude of the acceleration on particle a. These are known as the ‘force condition’ and
the sink-gas force condition respectively. There are some other timestep conditions, but they
are not particularly important for our simulations. The true timestep for a particular particle
is then the minimum of these conditions:

∆ta = min(∆tC,∆ta
f ,∆ta

sink-gas) (2.23)

The minimum value of ∆ta over all particles a in the simulation will generally be set as
the timestep of the simulation. If an individual timestepping scheme is adopted, however,
the timestep that a particle uses will be based upon their ∆ta. The idea behind independent
timesteps is very simple. A set of timestep ‘bins’ is created by the code, with the largest
having an arbitrary maximum time, ∆tmax, as an input to the code, while the other bins are
created in factor-of-two decrements from the bin above them. The maximum number of
these bins is decided at the beginning of the simulation. Particles are then sorted into the
timestep bin that is closest to, and smaller than, their calculated ∆ta. The factor of two dif-
ference between successive timestep bins forces the particles to sync up at least every ∆tmax.
This sort of scheme has costs in the conservation of energy and angular momentum, but if it
is properly implemented, it can speed up simulations by an order of magnitude (Price et al.,
2015).

Simulations in this paper were run on 16 or 32 core machines, as Phantom currently only
has OpenMP implemented, rather than MPI. Approximate wall clock times (the exact times
were unfortunately not recorded) and number of cores for each simulations can be found in
Table A.1 (Appendix A).
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Benchmark Simulations

In the previous chapter, we outlined the SPH method, gave a brief description of the advan-
tages and disadvantages of SPH and grid codes, and introduced the SPH code that we will
be using in our simulations, Phantom. Up until this point we have been setting the scene, but
now we will begin to discuss the simulations of Passy et al. (2012) in greater detail. Further-
more, we will cover in detail the benchmarking of our own simulations, as well as some of
the issues that we have encountered so far.

The star stabilisation process in Phantom, described in Section 3.1, was initially per-
formed by Roberto Iaconi. This work helped define some of the initial stabilisation parame-
ters that served as a platform for our simulations.

3.1 Repeating the simulations of Passy et al. (2012) with
Phantom

Before being able to perform any kind of rigorous science, it was necessary to have some
kind of benchmark against which to set any future results. Passy et al. (2012) carried out
common envelope simulations using both three dimensional grid and SPH codes. The com-
parison between the two methods is useful to ensure that key outputs are the same between
the two types of code, giving a greater confidence that we understand the physics at play; if
features are common to the outputs of both types of code, then they are more likely to be
physical in nature, rather than an artifact dependent on the numerical method. The results
of the simulations carried out by Passy et al. (2012) have therefore been used to calibrate
Phantom.

Passy et al. (2012) ran SPH and grid simulations, using the codes SNSPH and Enzo, re-
spectively. The SPH simulation had 5× 105 particles, and the Enzo simulations were carried
out with two uniform grid resolutions of 1283 and 2563 cells. A one-dimensional model
star was evolved to the red giant branch (RGB) with the stellar evolution code EVOL (Her-
wig, 2000), with the density and pressure profiles mapped into three dimensions in the two
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different codes. The SNSPH star had the initial setup modified so as to be in hydrostatic
equilibrium, while the Enzo stars were allowed to relax in the computational domain. This
difference in the setup caused a slight disparity in the radii of the stars, where the SNSPH star
had a radius of 83 R�, while the low and high resolution Enzo stars had radii of 91 R� and
85 R�, respectively. The cores of these giant stars were approximated to be point mass parti-
cles, in both codes, primarily because the resolution required to simulate the core properly is
too computationally expensive. Having so much mass packed into a small volume will also
generally decrease the timestep of the simulation. The companion star was also modelled as
a point mass, as it is a main sequence star of less than 1 M� and so it would have a radius of
less than 1 R�, which is very small compared to the primary and similar to, or smaller than,
the resolution of the simulations. The simulations of Passy et al. (2012) had the companion
star placed at the surface of the primary at the beginning of the simulation. This initial setup
is useful as a way to approximate the plunge-in stage of the common envelope. While they
simulated systems with a range of companion masses, we will be focusing only on the case
with a secondary star mass of 0.6 M�.

It is worth noting as well that, in their SPH simulations, Passy et al. (2012) used point
mass particles, rather than sink particles. These point mass particles had both a “gravitational
mass”, which was used to calculate the gravitational potential of the particle, and a vastly
different “SPH mass”, which allowed the point mass to exert a pressure on the surrounding
gas. The SPH mass of their primary core was chosen so as to have the star in hydrostatic
equilibrium, while the companion’s SPH mass was set to zero, so that it would act as an
n-body particle. The core of the primary had a static smoothing length of 0.1 R�, but it is
not clear if any particular value was assigned to the companion. This value of 0.1 R� can
be thought of as being analogous to the softening length used in our two sink particles, dis-
cussed in Chapter 2.

We used the same one dimensional stellar profile that was used by Passy et al. (2012) for
our primary star. The stellar evolution codes used to produce such profiles use the equations
of stellar structure along with an understanding of radiative processes, nuclear physics and
the equation of state to follow the evolution of a star of arbitrary initial mass. The 1D star
was evolved from a 0.88 M� main sequence star to being on the RGB, at which point the
radius reached 83 R�. The 1D data we used consisted of density, pressure and temperature
as a function of radius, which were mapped into three dimensions in the Phantom SPH code.
For our simulations, we used the adiabatic equation of state

P = (γ − 1)ρu (3.1)

where P is pressure, γ = 5
3 is the adiabatic index, ρ is density and u is specific internal energy.

This ‘star’ was relaxed in the three dimensional computational domain by leaving it un-
perturbed and damping any velocities for approximately 80 days (or ∼4 dynamical times),
such that there were no longer oscillations in the star. At this point, the star was able to
be evolved with undamped velocities for at least another 4 dynamical times, within which
time it remained essentially static. In the first timestep of the stabilisation, material within a
radius of 0.03 R� from the point of maximum density (i.e., the centre) was artificially “sunk”
into a particle. This radius was chosen such that the “sink particle” would grow to a mass
of 0.392 M�, which is the same as used by Passy et al. (2012). In the initial stellar profile,
the star has an encapsulated mass of 0.392 M� at approximately 0.11 R� from the centre,
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although 0.390 M� is contained within the previously mentioned 0.03 R�. The discrepancy
here allows for gas to be accreted onto this sink particle while the star is being stabilised.
This radius is clearly quite small when compared to the softening length of 3 R�, however,
a larger softening length decreases the time taken to run the simulations. A sink particle
was also used in the simulation to represent a compact companion with a mass of 0.6 M�.
The companion sink particle was not sunk from any existing SPH particles, instead, it was
simply placed by the code. Both of the sink particles had softening lengths of 3 R� (see
Equation 2.19 and Fig. 2.1). Further, the sink particles were not allowed to accrete material
during the simulation, though the use of sink particles instead of point mass particles allows
accretion to be modelled when necessary. When setting up the first simulations, the sink par-
ticles employed a Plummer softened potential, however, this was soon replaced by softening
the potential with a cubic spline kernel in an attempt to improve accuracy, though the results
did not differ significantly. The difference between the softening length that we used and
the core smoothing length used by Passy et al. (2012) is that our simulations were allowed
to progress somewhat faster, and there appears to be only a minimal impact on the results.
The companion star was placed at 100 R� rather than on the surface of the primary. Initially,
approximately 80 000 particles were used in the simulations. However, as we will show later
by carrying out a convergence study, these simulations were not particularly accurate due to
dramatically under-resolving the outside of the primary star as well as any ensuing regions
of low density.

Finally, for the most part, our simulations used only a global timestep for the particles. As
was discussed in Section 2.3, individual timesteps allow particles to be sorted into timestep
bins, and have their accelerations updated when their timestep has passed. Although this is
considerably more efficient, it can cause non-conservation when particles operating on small
timesteps come into contact with those on longer timesteps, as is likely to occur in common
envelope interactions. Our preliminary simulations employed individual timesteps, however,
they displayed non-conservation of energy on the order of 10% over a period of ∼1000 days.
For this reason, a global timestep was used in all subsequent simulations, with energy non-
conservation dramatically reduced to be on the level of 0.1%.

One of the main problems with most prior simulations of the common envelope interac-
tion is that the envelope is lifted but remains primarily bound to the cores, a result that is
at odds with observations (see Section 1.3). The amount of bound mass for our simulations
was determined by checking that the sum of kinetic and gravitational potential energies for
an SPH particle was positive, as follows:

1
2

miv
2
i + miΦi > 0 (3.2)

where mi and vi are the mass and velocity of particle i, respectively, while the gravitational
potential on the particle, denoted by Φi, includes contributions from all other particles in the
simulation as well as the sink particles (core and companion). There are alternative defini-
tions of whether or not material is bound to the system. Ivanova et al. (2015) suggest that the
addition of either the internal energy, ui, or the enthalpy, ui +

Pi

ρi
, should be used to determine

whether mass is unbound. It is likely that exclusion of the internal energy will overestimate
the amount of bound mass, however, the inclusion of internal energy or enthalpy will pos-
sibly underestimate the amount. For simplicity, then, we will stick with the definition in
Equation 3.2.
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Figure 3.1: Comparison of the bound envelope mass for simulations with different resolutions; blue is for the
8 × 104 particle simulation. The other three colours will be discussed in Section 3.2; green is for the 2.3 × 105

particle simulation, red is for the 1.1 × 106 particle simulation and cyan is for the 2.3 × 106 simulation.

We found that the bound mass follows a similar trend to that of Passy et al. (2012),
wherein it drops quickly in the initial stages of the simulation, from a mass of ∼ 0.49 M� to
0.44 M�, after which it levels off at ∼100 days (see Fig. 3.1, blue line). However, the bound
mass in our initial simulation began to quickly drop again at approximately t = 900 days
(Fig. 3.1, blue line). As will be discussed further in Section 3.2, the time at which a second
unbinding phase starts is dependent on the resolution of the simulation, with higher resolu-
tion simulations being able to run for longer without experiencing this secondary unbinding
phase. Due to this, we suspect that this secondary unbinding is an artificial effect and the
results of our simulations cannot be trusted after this unbinding occurs. This feature was not
observed by Passy et al. (2012), possibly because their higher-resolution SPH simulations
were not run for long enough to observe this resolution-dependent phenomenon (see Sec-
tion 3.2).

3.1.1 Comparison of the evolution of the orbital separation
For the purposes of the comparison with Passy et al. (2012), we will henceforth discuss the
values relating to a Phantom simulation with 2.3× 105 particles, as this is the closest resolu-
tion we have to the 500 000 particle simulations undertaken by Passy et al. (2012). Further,
it is able to be run for longer than 1000 days before displaying any artificial unbinding (see
Fig. 3.1). Other resolutions will be discussed in Section 3.2, but for the most part, the evo-
lution of orbital separation and energies between resolutions are fairly comparable, with the
highest and lowest resolutions being within 6% of each other at 1000 days, showing the re-
sults to be reasonably well converged.

Possibly the easiest comparison that we can make between our simulation and that of
Passy et al. (2012) is the orbital separation of the primary core and the companion. There
will inevitably be a slight difference in results, as Passy et al. (2012) placed their companion
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Figure 3.2: Comparison between the orbital separation of Passy et al. (2012) (top panel), and our simulations
(bottom panel). The green line in the top panel corresponds to a simulation with a 0.6 M� companion, the
others have different masses.

on the surface of the primary, at 83 R�, while ours were placed initially at 100 R�. In spite
of this, the evolution of the separations display very similar forms (Fig. 3.2), and by the end
of 1000 days, they have reached an almost identical plateau value of 16 R�. This constitutes
a reduction in the orbital separation of 81% in the Passy et al. (2012) simulation, and an 84%
reduction in our simulations.

3.1.2 The inspiral timescale
What defines the beginning and the end of the dynamic inspiral phase is not particularly
clear. While it is fairly simple to look at a plot of the orbital separation of two sink parti-
cles undergoing a common envelope interaction and immediately point out where dynamic
inspiralling occurs, giving a more quantitative and physically meaningful definition of the
moment at which the fast inspiral actually begins and ends is somewhat more tricky. A
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quantative definition may assist us in comparing different common envelope simulations.

The timescale of the interaction is typically defined as − a
ȧ , where a is the orbital separa-

tion and ȧ is the time derivative of the separation (Sandquist et al., 1998). To calculate this
quantity at a point in time, we averaged the separation over a 40 day period around the point
in question. The timescale is essentially a metric for determining how quickly something is
moving inward, and by averaging separations, we are trying to smooth out the short period
oscillations. We present the timescale for our Phantom simulations in Fig. 3.3. Due to the
fact that the simulation was initiated with the companion quite close to the primary surface,
the timescale quickly drops to a minimum. It is this minimum that we use to determine where
the fast inspiral occurs. We define the beginning and end of the fast inspiral to be at the times
when the timescale is a factor of 5 greater than the minimum point. While arbitrary, this
definition appears to do a fairly reasonable job of picking out both the beginning and the end
of the dynamic inspiral phase, though further refinement may be necessary. By applying this
method to our orbital evolution curves, we can later compare values at a set point after the
dynamic inspiral occurs, regardless of the initial conditions, as can be seen from the vertical
lines in Fig. 3.2 and Fig. 3.3.

3.1.3 Comparison of the energies and angular momenta
In Figs. 3.4 and 3.5, we show plots of the various energy components as a function of time.
The three kinetic energy components, Kc for the kinetic energy of the cores, Kb for the KE
of the bound material and Ku for the KE of the unbound gas, are calculated by summations
of the form:

Ka =
∑

a

1
2

ma |va |
2 (3.3)

where a can a sink particle, a bound gas particle or an unbound gas particle, ma is its mass
and va its velocity. In the code, the calculation of the gravitational potential energy is also in

Figure 3.3: Timescale (defined as − a
ȧ ) of the orbit using a 2.3 × 105 particle Phantom simulation. The rapid

oscillations occuring later in the simulation are caused by a slight eccentricity of the orbit.
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Figure 3.4: Plot of energies as calculated from the results of Passy et al. (2012) (figure 9 in that paper).

Figure 3.5: Comparison plot of energies from our simulation with 2.3 × 105 particles. In this plot: Kc is the
total kinetic energy of the two cores, Utot is the total internal energy of the gas, Kb is the kinetic energy of
bound gas, Ku is the unbound kinetic energy, Eenv is the envelope energy, φenv is the potential energy of the
envelope, Ec is the orbital energy of the cores, Etot is the total energy of the system, φc is the potential energy
between the sinks and φtot is the total potential energy.

three components, for gravitational interactions between the sink particles, φsink-sink (≡ φc),
between sink particles and gas particles, φsink-gas, and between pairs of gas particles, φgas-gas.
Similarly to the kinetic energies, we can write these components in the general form:

φa−b = −G
∑

a

∑
b

mamb

rab
(3.4)

where G is the gravitational constant, a and b can both either be sink or gas particles for
the calculation of the above components, and rab is the separation between the two particles.
Therefore, we can write

φtot = φsink-sink + φsink-gas + φgas-gas (3.5)
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for the total potential energy of the simulation. Finally, the internal energy of the gas is stored
by the particles in Phantom, so calculation of the total internal energy, Utot, is performed with
a straight summation over all particles in the simulation. The rest of the energies in Fig. 3.5
are able to be calculated as combinations of these components. The orbital energy of the sink
particles is defined as the addition of the sink kinetic and potential energies:

Ec = Kc + φc, (3.6)

the envelope potential energy is defined as the potential energy of gas due to the gas particles
and the primary sink particle:

φenv = φgas-gas + φsink 1-gas (3.7)

where φsink 1-gas is the potential energy of the between the primary sink and the gas. Finally,
the envelope energy is defined as the sum of the envelope potential energy, the total internal
energy and the kinetic energy of the bound gas:

Eenv = φenv + Utot + Kb. (3.8)

Fig. 3.4 shows the different energy components of the simulation carried out by Passy
et al. (2012), while Fig. 3.5 details the energies obtained from our simulation. The curves in
these plots are very similar, even down to the small oscillations. The most striking difference
is the beat behaviour evident in the simulation of Passy et al. (2012), though lacking in our
own energy curves. This is explained to be due to undersampling their simulation, with a
mismatch between the oscillations of the energy curves and the sampling rate of the simu-
lation (Passy et al., 2012). The core-core potential energy is less negative in our simulation
because the two sink particles are placed slightly farther apart. Similarly, the envelope po-
tential energy is initially less negative in our simulation because our star is slightly fluffier
than that of Passy et al. (2012) (radius is approximately 11% greater in our simulations).
The envelope potential energies differ by approximately 50% between the two simulations
at 1000 days, likely due to the slightly different initial conditions as well as inherent code
differences.

The kinetic energies are very similar between the two simulations. There is initially no
unbound material in either simulation, so Ku = 0, however, by the end of our simulation the
kinetic energy of the unbound mass is just starting to become greater than the bound kinetic
energy, while this is not the case in the Passy et al. (2012) simulations. This effect is small,
and is no longer present at higher resolutions. The differences in the kinetic energy of the
bound mass are negligible. The variation in initial and final values, as well as the shapes of
the curves, is again very likely to do with differing initial conditions and code differences.

Clearly, however, the largest change is in the internal energy of the gas, with our simu-
lation having a value of Utot at t = 1000 days that is 60% less than for Passy et al. (2012).
However, while this percentage difference is large, if we compare the actual difference be-
tween initial and final values for the two simulations, the total internal energy changes by
approximately 1.7 × 1046 ergs in both simulations, suggesting that the evolution of the two
simulations is very similar, and that the initial conditions are very likely to be the reason for
the differences.
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Figure 3.6: Comparison of the evolution of angular momenta between Passy et al. (2012) (top panel, their
Figure 8) and our 2.3× 105 particle simulation (bottom panel). In this plot: Jtot is the total angular momentum,
Jorb is the orbital angular momentum of the sink particles, Jb is the angular momentum carried by bound matter
and Ju is for unbound gas. These curves include only the z-component of the angular momentum. Note that the
limits on the y-axis are not the same.

The second set of values against which we can compare are the different contributions
to the z-component of the angular momentum, Jz, which is by far the most dominant of the
three orthogonal components. Further, if we are to be interested in material falling back to
form a disc in the orbital plane, it makes sense that Jz is the most crucial component. The
angular momentum was determined by taking the cross product of the particle radius with
its momentum:

J = r × mv (3.9)

where J =



Jx
Jy
Jz


, r is the position vector, v is the velocity vector and m is the mass of the

particle. The z-component of the angular momentum then is just the third component of
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the J. Fig. 3.6 offers a visual comparison of the different contributions to the total angular
momentum, where Jb and Ju are the sums of Jz for all bound and unbound gas, respectively,
and Jorb is the orbital angular momentum of the sink particles. Like the energy curves, the
angular momentum curves are quite similar in shape, with the slight differences in the initial
values of Jb and Jorb being consequences of our star being slightly fluffier and having the
companion start at a larger orbital radius. It is also clear that the conservation of angular
momentum is considerably better in our simulation.

3.2 Convergence tests
Passy et al. (2012) did not carry out a convergence test for their SPH simulations, although
their grid simulations were carried out with two different resolutions. They carried out a
theoretical SPH-grid resolution comparison and found that a 500 000 particle SPH simula-
tion was slightly better resolved than a 2563 unigrid simulation, and the results were very
comparable.

To test for convergence of our Phantom common envelope simulations, we carried out
4 identical simulations with increasing resolutions (8 × 104, 2.3 × 105, 1.1 × 106 and 2.3 ×
106 particles). Fig. 3.7 shows the highest resolution simulation at several snapshots in time
to show details of the evolution. For each of the different resolutions, a new star had to
be stabilised in the computational domain, which resulted in slightly different initial stellar
parameters. The most prominent difference was that the primary star reached equilibrium at
a slightly larger radius for the higher resolutions. For the 8 × 105 case, the star had an initial
radius of 90 R�, whereas in the highest resolution, 2.3× 106 particle simulation, the primary
radius was 94 R�. The radii of these stars were determined by finding the volume equivalent
radius (adapted from Nandez et al. (2014)) defined by:

RV = *
,

3
4π

∑
i

mi

ρi
+
-

1
3

, (3.10)

where mi and ρi are the mass and density, respectively, of particle i belonging to the star.
These differences are likely caused by the pressure and gravity terms being more poorly
resolved in the lower resolutions, hence leading to different equilibrium configurations. Fur-
ther, it is possible that a star with greater resolution will simply resolve the low density
atmosphere of the star better, and hence could result in a slightly increased radius. We do
not expect these small differences in the initial radius to be the major cause of variations in
the simulation outcomes.

We first compare the orbital separation evolution (Fig. 3.8). The shapes of the curves
are very similar overall, but clearly only the 1.1 × 106 and 2.3 × 106 particle simulations are
converged, as there are almost no differences between those two curves. At ∼800 days, they
both have a separation of ∼16.5 R�, with a variation of only 0.2%, and are only slightly out
of phase. On the other hand, the 8 × 104 and 2.3 × 105 particle simulations have separations
of 17.5 and 17.0 R� respectively (a variation of 3%).

Secondly, we compare the amount of bound mass at the 500 days. Fig. 3.1 shows that
all of the simulations initially unbind a similar amount of mass, and then level out for a pe-
riod of time. It is the value of this plateau that is interesting when determining convergence.
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Figure 3.7: Evolution of the 2.3× 106 particle simulation at 0, 50, 150 and 1000 days. The left column shows a
slice of the simulation in the x-y plane, and hence renders density. The right column shows the all the particles
along the line of sight, therefore rendering the density integrated along the z-axis, the column density. The sink
particles are plotted as cyan dots. Image created with Splash (Price, 2007).

Similarly to what was deduced from the separation, the 1.1 × 106 and 2.3 × 106 particle
simulations appear to be almost identical at this time, having both unbound approximately
0.06 M�. Again, the simulations conducted with the lower two resolutions were clearly not
well converged, having unbound 0.053 and 0.056 M� for the 8 × 104 and 2.3 × 105 particle
simulations, respectively.

The bound mass calculations, however, yielded a more curious result; they showed, as
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Figure 3.8: Comparison of the orbital separation between the two sink particles; blue is for the 8 × 104 particle
simulation, red is for the 2.3×105 paricle simulation, magenta is for the 1.1×106 particle simulation and green
is for the 2.3 × 106 particle simulation. Inset: details of the different resolutions at ∼800 days.

noted in Section 3.1, a resolution-dependent rapid unbinding phase was observed in all sim-
ulations. Fig. 3.1 shows that for higher resolutions, this secondary unbinding phase occurs at
later times. Further, the gradient of the decline in bound mass is significantly greater in the
lower resolution cases. In general, resolution dependent results indicate artificial features, so
we cannot evolve these simulations for longer than the time to begin unbinding. Fig. 3.1 also
shows that for a resolution of 5 × 105 particles, as used by Passy et al. (2012), the secondary
unbinding occurs much later than 1000 days, and so it is not surprising that it was not picked
up by their simulations.

This artificial unbinding has been the cause of much discussion and various attempts to
solve the problem. Although we have been, thus far, unsuccessful, we think we have cor-
rectly identified the problem and we are carrying out tests to determine a solution. Only
when this has been accomplished can we continue the simulations to study the effect of the
fallback phase.

Firstly, we can see clearly that, as the simulation progresses, the volume immediately
around the orbit of the sinks is progressively evacuated, leading to a local decrease in density.
This effect can be seen in Fig. 3.9, which shows the density of particles for three different
resolutions at 1000 days. As can clearly be seen, there is an evacuation of particles from a
volume around the two sink particles. At some point, which is earlier in lower resolution
simulations, a density limit is reached below which a catastrophic, runaway unbinding takes
place. As the density decreases in the area around the sink particles, an increase in smoothing
length of the SPH particles also occurs. This can lead to SPH particles falling in too close to
a sink particle, and consequently being flung on a ballistic trajectory out of the system.

To prevent this “flinging”, we modified the code to allow the softening length of the sink
particles to change:

hsoft = max(hsoft,c, h), (3.11)
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Figure 3.9: Comparison density of particles around the sinks for simulations with different resolutions; the
left-hand panel is the 8 × 104 particle simulation, the middle panel is the 2.3 × 105 particle simulation, and the
right-hand panel is the 1.1 × 106 particle simulation. Image created with Splash (Price, 2007).

Figure 3.10: Comparison of the bound mass for the simulations with constant hsoft = 3 R� (green),
max(3, h) R� (blue) and max(6, h) R� (red).

where hsoft,c = 3 R� is the original softening length of the sink particles, and h is the variable
smoothing length of the particle with which the sink is interacting. This typically would
lessen the gravitational interaction between low density particles in the region close to sink
particles, while all other sink-gas gravitational interactions in the simulation would remain
the same. The result of this addition to the code was a slight increase in the time at which
the unbinding took place, but otherwise, the shape of the unbinding curves remained almost
identical (see Fig. 3.10).

It seems plausible that by lessening the interaction between sink and gas particles, there
would be fewer gas particles to gain a ballistic trajectory. Hence, the next step was to try
increasing the value of hsoft,c to be 6 R� instead. Therefore, the gas particles would typically
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be less bound to the sink particles, but would also have a lesser interaction. This simulation
was run with limited success. While Fig. 3.10 shows that the bound mass was greater at all
points in the simulation than for hsoft,c = 3 R�, the artificial unbinding was still present and
started earlier.



4
The Pre-Common Envelope Phase

In the previous chapter, we benchmarked the SPH code, Phantom, against the results of Passy
et al. (2012) with a good degree of agreement between our simulations and theirs. In this
chapter we will investigate how the simulated interaction is affected when we increase the
initial orbital separation of the sink particles, looking primarily at a system that starts when
on the verge of beginning Roche-lobe overflow. We will also briefly look at a system with
an even larger initial orbit.

Further, we have carried out some relatively underdeveloped simulations in the corotating
frame of reference. In such a frame it is simpler to stabilise the binary and carry out a study of
the pre-common envelope phase, where we can determine how small instabilities influence
the final outcome. In the future it will become possible to simulate two full stars with this
method, as done preliminarily by (Nandez et al., 2014).

4.1 The Roche-lobe overflow phase
An area of concern in common envelope interaction simulations is the phase leading up to
the dynamic inspiral. It is not known how different initial conditions, such as starting the
simulations before Roche-lobe overflow (RLOF), may influence the final outcome of the in-
teraction. This phase begins when the envelope of the primary begins to overflow its Roche
lobe, leading to a period of mass transfer. This typically occurs when the radius of the pri-
mary increases as it becomes a red giant, eventually becoming larger than the Roche lobe
radius, or if the companion is brought closer to the primary by tidal forces. There is no
clear agreement on when this mass transfer phase is stable, and thus long-lived, or unsta-
ble, quickly reducing the orbital separation and leading to the common envelope inspiral
(Ivanova et al., 2013). In this chapter we describe the outcomes of simulations that have
been performed to study this stage of Roche-lobe overflow, particularly with respect to how
it affects the final parameters of the binaries.

For the sake of speed, the primary simulation discussed in this chapter was carried out
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Figure 4.1: Density slices in the orbital plane of the simulation starting at 218 R�, showing the evolution
through time of the system. Dynamic inspiral occurs at approximately 8 years. The sink particles are plotted
as cyan dots. Image created with Splash (Price, 2007).

with 2.3×105 particles and compared with the similar resolution simulation from Chapter 3.
The lower resolution did not appear to cause particularly large changes (see Section 3.2). We
realise that the differing initial conditions of the current simulation could dictate a different
convergence behaviour, but a rigorous convergence test will be left for future work.

Setting up the primary star for this simulation was identical to the method described in
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Section 3.1. In order to begin the simulation just before RLOF, it was necessary to place
the companion such that the Roche lobe radius of the primary was just larger than its stellar
radius. The Roche lobe radius can be approximated, for circular orbits, with the equation
(Eggleton, 1983):

rRL =
0.49q2/3

0.6q2/3 + ln(1 + q1/3)
a, (4.1)

where rRL is the Roche lobe radius of the donor star, a is the orbital separation and q is the
ratio of the masses of the donor star and its companion (q ≡ M1

M2
in our notation). Hence,

with a primary star of radius r1 = 90 R� and mass M1 = 0.88 M�, and a companion of mass
M2 = 0.6 M�, we can determine that RLOF will begin approximately when the separation,
a, is such that r1 ≈ rRL ≈ 218 R�.

The companion star was therefore placed at this distance to simulate a binary system on
the cusp of initiating Roche-lobe overflow. The stars were given velocities such that they
would be in a circular orbit, and the simulation was evolved until the sink particles reached
a stable, compact orbit. Fig. 4.1 shows snapshots of the simulation, where RLOF is clearly
visible in four of the panels. In Fig. 4.2 we show the orbital evolution, where the timescale
(Fig. 4.3) has been used to divide the common envelope interaction into distinct phases.
Fig. 4.2 places the beginning of the fast inspiral at a separation of 110 R�, 8.4 years after
RLOF begins. Using our definition of the dynamical inspiral (see Section 3.1.2), this phase
lasts for about half a year, within which time the orbital separation decreases down to 31 R�.

In the following, I will refer to the 2.3 × 105 particle simulation described in Chapter 3,
starting at 100 R�, as 100Sep, and the simulation described here, starting at 218 R�, as
218Sep. First, we compare how the separations evolve in time. In Fig. 4.2 we compare the
orbital evolution of the two simulations, by shifting the 100Sep simulation by 3096 days such
that its beginning coincides with the time at which the 218Sep simulation has reached an or-
bital separation of 100 R�. The orbital evolution of the fast inspiral phase is quite similar
between the two simulations. As might be expected, due to its larger initial angular momen-
tum budget, the 218Sep simulation ends up in a somewhat wider orbit of 20 R�, compared
to the final separation of 16 R� for the 100Sep simulation. Therefore the separation of the
two final orbits differ by approximately 30%. We can see that both simulations develop some
eccentricity, with the 100Sep simulation having an eccentricity of e = 0.22 at t = 1000 days
(4096 days in Fig. 4.2), while the 218Sep simulation has a smaller eccentricity of e = 0.10
at t = 4096 days. This eccentricity is likely due to the three-dimensional distribution of gas.
However, the fact that the 100Sep simulation has a larger eccentricity is probably due to the
fact that the companion was initially on the surface of the primary resulting in a larger initial
perturbation.

We can also appreciate the difference between the simulations by looking at the distribu-
tion of the gas and the associated velocity field (see Fig. 4.4). At a = 100 R�, the 100Sep
simulation is unperturbed. However, by the time it reaches a = 100 R�, the 218Sep simu-
lation presents a very different gas distribution. At that time, the gas particles in the 218Sep
simulation form a diffuse, extended envelope around the central binary due to interactions in
the RLOF phase. It is to be expected that having less realistic starting parameters, such as
those in the 100Sep simulation, should decrease the validity of the results.

Fig. 4.5 shows a comparison between the evolution of the various energy components
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Figure 4.2: Orbital separation of the two cores for the 218Sep simulation, beginning from Roche lobe overflow
(blue), and the 100Sep simulation (green), which was shifted by 3096 days. The beginning (t = 3067 days)
and end (t = 3235 days) of the dynamical inspiral phase (vertical lines) was again determined by using the
timescale (shown in Fig. 4.3).

Figure 4.3: Timescale (defined as − a
ȧ ) of the 218Sep simulation. Note that a truncated x-axis is used here for

clarity.

in the 100Sep and 218Sep simulations. The different energy components in Fig. 4.5 are de-
scribed in detail in Section 3.1.3. The largest differences between the simulations in Fig. 4.5
lie mostly with the initial values of the internal energy and the potential energy of the gas
(which show up in φenv and φtot curves), and final values of the kinetic and potential energies
of the cores. We remind the reader that the 218Sep simulation “initial” values are taken at
t = 3096 days when the sink particles have reached a separation of 100 R�. At this time,
the star has been sufficiently distorted so as to be different from the 100Sep simulation star
at t = 0. The final value of Kc is lower for the 218Sep simulation than for the 100Sep sim-
ulation, as the cores that are more widely spaced will have a lower orbital velocity. The
difference in φc can be explained in a similar manner, as the cores end up a ∼ 30% larger
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Figure 4.4: A density slice and velocity field (arrows) for the 218Sep simulation when the sink particles have
reached an orbital separation of 100 R� (t = 3096 days), the initial separation for the 100Sep simulation. The
boundary here is 800 R� on each side. Image created with Splash (Price, 2007).

orbit for the 218Sep simulation, leading to a significantly less negative φc. On the other
hand, the evolution of the gas particle quantities, Utot, Kb, Ku, Eenv and φenv, are actually
quite similar between the two simulations, particularly in their final values. This is because
the difference in energies between the two simulations is carried by the sink particles, and
the gas tends to plateau at around the same values.

The angular momentum of the 218Sep simulation is particularly likely to vary signifi-
cantly from the 100Sep simulation, as its angular momentum budget is considerably greater
due to the larger initial separation. The value of Jtot for the 218Sep simulation, as can be
seen in Fig. 4.6, is ∼40% greater than for the 100Sep simulation. The angular momentum
of the bound mass reaches a peak at ∼3200 days, a feature that is not seen in the 100Sep
simulation. After the peak it begins to decrease, while Ju begins to increase. This peak in
the bound angular momentum roughly coincides with the time at which the fast inspiral oc-
curs, at which point the envelope quickly begins to become unbound (Fig. 4.7. It is therefore
likely that Jb drops for the simple reason that there is less bound mass. It is worth noting that
each of the angular momentum components of the 218Sep simulation is always greater than
the respective components of the 100Sep simulation. This is not surprising, given the initial
conditions of the simulation, but it points to the envelope in the 218Sep simulation likely
being less bound at the end of the simulation, with the cores still retaining plenty of orbital
angular momentum that can work towards the unbinding of the envelope.

Fig. 4.7 shows that the mass of the bound envelope for the 218Sep simulation decreases
slowly though the period of RLOF until the fast inspiral begins at 3067 days. At this point,
the sink particles rapidly decrease their separation, transferring energy and angular momen-
tum to the envelope. A larger angular momentum budget causes slightly more mass to be
unbound over the course of the interaction; the 100Sep simulation unbound ∼12% of the
mass of the envelope, while the 218Sep simulation unbound ∼15% of the envelope mass.
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Figure 4.5: Comparison of the energies for the simulations 100Sep (top panel) and 218Sep (bottom panel).
Note that the 218Sep simulation has been plotted for 1000 days from t = 3096 days, so as to compare the two
sets of curves. In this plot: Kc is the total kinetic energy of the two cores, Utot is the total internal energy of
the gas, Kb is the kinetic energy of bound gas, Ku is the unbound kinetic energy, Eenv is the envelope energy,
defined as Eenv = φenv+ Utot + Kb, where φenv is the potential energy of the envelope; Ec is the orbital energy
of the cores, Etot is the total energy of the system, φc is the potential energy between the sinks and φtot is the
total potential energy.

Note again that the envelope once again begins to become catastrophically unbound at ap-
proximately ∼4800 days (see Section 3.2). It can be seen fairly clearly in Fig. 4.7 that this is
relatively later than in the 100Sep simulation, likely because the density near the core drops
more slowly in the 218Sep simulation.

4.1.1 The corotating frame
In nature, companions out to ∼2-3 stellar radii will be tidally captured. Before the rapid infall
starts, the system will be almost or completely synchronised, resulting in a spinning giant
(Tassoul and Tassoul, 1992). Evolving a binary system in the corotating frame, wherein the
primary’s spin is tidally locked to the orbit, allows for a simple stabilisation of a corotating
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Figure 4.6: Evolution of the different components of the angular momentum in the 100Sep (top panel) and
218Sep (bottom panel) simulations. Note that the 218Sep simulation has been plotted for 1000 days from
t = 3096 days, so as to compare the two sets of curves. In these plots: Jtot is the total angular momentum, Jorb
is the orbital angular momentumof the sink particles, Jb is the angular momentum carried by bound matter and
Ju is for unbound gas.

primary star. A rotating star cannot easily be stabilised in the inertial reference frame be-
cause our stabilisation is partly performed by damping the gas velocities at each timestep.
However, by choosing a rotating frame of reference such that the primary star is stationary,
damping spurious velocities within the rotating star is simplified. In SPH, it is relatively
straightforward to implement this reference frame, and we have done so.

The corotating frame was implemented by first calculating the angular velocity of the
system with the standard formula (adapted from Paczynski (1971))

Ω =

√
G(M1 + M2)

a3 , (4.2)

From here, Ω was taken to be the angular velocity of the corotating frame. Using this value,
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Figure 4.7: Evolution of the bound envelope mass in the 218Sep simulation (blue) and the 100Sep simulation
(red). The 100Sep simulation has been shifted by 3096 days.

it is possible to transform velocities between the original and rotating frames using:

vr = vi −Ω × r, (4.3)

where vr is the velocity in the rotating frame, vi is the velocity in the inertial frame, r is the
position vector and

Ω =



0
0
Ω


.

Taking the time derivative of the velocity gives the acceleration in the rotating reference
frame:

ar = ai − 2Ω × vr −Ω × (Ω × r), (4.4)

where the accelerations due to the ‘fictitious’ centrifugal and Coriolis forces are given by
acen = −2Ω × vr and acor = −Ω × (Ω × r), respectively.

Only very preliminary work has been undertaken in the corotating frame for the purpose
of testing that the analysis routines were able to properly calculate all quantities in a non-
inertial frame. The system was set up with the methods described in Section 3.1, again with
a separation of 218 R�. We will call this simulation 218SepCor. While, the system was not
stabilised in the corotating frame, the long orbital decay in Fig. 4.8 suggests that the star was
quite stable anyway, so a comparison with the simulation carried out in the inertial frame is
not complete. We nonetheless give a brief review of how having a corotating primary star
changes the outcomes of the simulation. We may expect some changes, because when the
star is tidally locked with the orbit, the system has a higher total angular momentum than
when the star has no spin.

The orbital separation is reduced when angular momentum is transferred from the orbit
to the envelope of the primary, which can be achieved through a couple of methods; tidal in-
teractions and gravitational drag. In our simulations, the 218SepCor simulation would suffer
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Figure 4.8: Evolution of the orbital separation in the 218SepCor simulation (blue) and the 218Sep simulation
(red).

a weaker tide than for the 218Sep simulation. For a system not in corotation, the tides (which
will be discussed in slightly more depth in Section 4.2) raise bulges in the primary, which
are slightly out of alignment with the companion. This works to drag the primary into coro-
tation by increasing its spin angular momentum, requiring a reduction of the orbital angular
momentum by decreasing the orbital separation. However, when a system is already in coro-
tation, such as in the 218SepCor simulation, these bulges will have very little effect on the
orbital evolution, so the decline in separation will take much longer. Further, in a corotating
star, the velocity contrast between the companion and the stellar layers is noticeably reduced,
making the strength of the gravitational friction much lower. Thus, the orbital separation is
reduced far more slowly in the 218SepCor simulation than for the 218Sep simulation. The
orbital separation evolution curves for the 218Sep and 218SepCor simulations are compared
in Fig. 4.8 where we can see that both simulations plateau at approximately the same final
orbital separation of 20 R�.

The mass of the bound envelope drops to a lower value in the 218SepCor simulation
(0.393 M�) than for the 218Sep simulation (0.416 M�), as the envelope of the primary star
is initially much less bound in the 218SepCor simulation (Fig. 4.9). This is a direct conse-
quence of the gas having a larger kinetic energy than the 218Sep simulation. It should be
noted that, due to the fact that this simulation was not stabilised in the rotating frame, the ef-
fect here is likely to be somewhat less pronounced. Stabilisation should lead to the envelope
of the primary increasing slightly in radius, thus having a less negative potential energy and
increased kinetic energy if it is artificially kept in corotation.

During the relatively stable phase preceding the rapid infall, there is quite a large amount
of unbinding. The 100Sep, 218Sep and 218SepCor simulations are all progressively more
stable, and result in progressively more unbound gas. Once this pre-infall phase has taken
place, the envelope distribution will be quite altered and finding an explanation of why there
is more or less unbinding becomes more complex.
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Figure 4.9: Evolution of the bound envelope mass in the 218SepCor simulation (blue) and the 218Sep sim-
ulation (red). Note: the downturn in the red curve at ∼5000 days is due to the artificial unbinding we have
discussed in Section 3.2.

4.2 The pre-Roche lobe overflow phase
Before a binary system goes through Roche-lobe overflow and a common envelope interac-
tion, it experiences a phase of tidal interaction. Tidal interactions have been studied in great
depth by Zahn (1977, 1989). Of primary importance for binary systems in the pre-RLOF
phase is the equilibrium tide, which is essentially characterised by a deformation of a star in
hydrostatic equilibrium when exposed to an external gravitational potential. The result is that
two opposite bulges form on the primary star aligned with the direction of the companion
(the companion forms similar bulges along the direction to primary, but due to its compact
nature, the effect is negligible). In the absence of dissipative forces, these bulges would lie
directly along the line connecting the centres of mass of the two stars. However, convective
dissipation is present in giant stars so the bulge may precede or, more typically for slow
rotating giant stars, lag the line between the centres. This results in the slowing down of
the stars, decreasing the orbital separation while spinning up the primary star (Hurley et al.,
2002).

Simulations are generally unable to model tides correctly as the primary form of dissipa-
tion, arising from turbulent viscosity in stellar convection, is not properly described. On the
other hand, artificial viscosity, which was discussed in Section 2.1, does result in dissipation
that can qualitatively act as tides.

We have run a simulation of the evolution of a binary system in the tidal interaction
phase, that is, before Roche-lobe overflow, using the same setup as the 218Sep simulation
with an initial separation of 300 R�. The orbital separation of this simulation changes very
little over the course of ∼20 years (see Fig. 4.10). A very small amount of mass transfer
takes place in the system, starting at approximately t = 1200 days, but far too little to cause
the orbital decay seen. We suspect that a combination of the numerical viscosity and tidal
torque from oscillations in the primary envelope is the cause of this “tidal” decay. The decay
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Figure 4.10: Evolution of the orbital separation for a simulation with 300 R� initial separation.

timescale, while slow for our simulation, is still quite fast compared to the 104 to 105 year
timescales expected in nature (Mustill and Villaver, 2012). Due to the long decay timescale
of our simulations (Fig. 4.10), we have been unable to continue this simulation for the length
of time needed to compare results with other simulations, and we reserve this task for future
work.

In Fig. 4.10, the separation decreases over 9000 days by ∼3%. At the same time, the
system develops an eccentricity of ∼0.2. It is unclear what this eccentricity is due to, as it
is larger than the eccentricities that form in the early stages of previous simulations (which
are on the order of 10−3 for both the 218Sep and 218SepCor simulations). The reason for
this orbital decay and increase in eccentricity is the sudden introduction of the companion
near the stable primary. This excites an oscillation in the primary which exerts a variable
tidal force, the net effect of which is a shortening of the orbital separation and an increase
in eccentricity. Although this is an artificial effect, it serves to reduce the orbital separation
within reasonable computational times. Once mass transfer begins, the orbital decay will be
driven by much stronger drag forces.
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5
Fallback of Gas During the Common

Envelope Interaction

The study of fallback material is one of the ultimate goals of this research and one of the
reasons for continuing to use SPH for the common envelope problem. As discussed in
Chapter 3, understanding the impact of gas fallback on the common envelope outcome has
been somewhat stymied by the inability of our simulations to be trusted beyound an unfore-
seen, resolution-dependent unbinding phase (see Section 3.2 and Fig. 3.1). However, we can
search for fallback of material before the unphysical unbinding phase, as well as compare
the fallback seen in simulations with differing initial conditions.

In addition, the recent work of Nandez et al. (2015) has demonstrated the potential im-
portance of including recombination energy in simulations. If they are right and substantially
more gas is unbound, then that source of energy must be included in all simulations. On the
other hand, even with the recombination energy, some gas fallback is likely. Ahead of carry-
ing out our own testing with recombination energy, we here simply consider the behaviour of
the gas ejected during the dynamic inspiral phase, which will have a velocity range straddling
the local escape velocity.

5.1 Examination of fallback gas in the simulation with a
100 R� initial separation

The simplest method with which we can determine if material is falling back towards the
central binary system is examining the radial component of the velocity of SPH particles at
different times in the simulations. This quantity can be written as:

vr =
v · r
|r|

, (5.1)

in Cartesian coordinates, with r and v being the vectors of position and velocity, respectively,
for an SPH particle. This quantity defines the magnitude of the velocity in the direction of the
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origin, which, in our simulations, has been set at the centre of mass. Naturally, then, fallback
material will have a negative value of vr . Note that a negative radial velocity component
is not necessarily indicative of fallback gas in the vicinity of the sink particles, because the
primary star (i.e. the gas envelope and its core) moves with respect to the centre of mass (i.e.
the origin), therefore approximately half of the gas acquires a periodic negative vr , particu-
larly at the beginning of the simulation when the star is undisturbed. While this particular
issue may be abated by defining the radial velocity relative to the primary’s core, this would
introduce issues later in the simulation, wherein it would likely appear that expanded layers
of the envelope with an overall low velocity were undergoing oscillatory radial motion.

In parallel, we also check if the gas is bound to the system. We use the specific energy
(Equation 3.2) as a metric for whether or not a particle is bound. Fig. 5.1 shows the distri-
bution of particles with different values of specific energy (top panels) and radial velocity
(middle and bottom panels). The left-hand panels of Fig. 5.1 show that, at a time of 100
days, there are relatively few particles with a negative radial velocity. In comparison, at
1000 days (right-hand panels), a greater portion of the gas, spread over a larger volume of
the simulation, has some kind of inward radial motion. At these moments in time, a large
fraction of particles with outward motion are still bound to the system and hence will return
at some point in the future, constituting a continuing fallback event. It is also possible for
some of the gas to be unbound, but with a trajectory that will cause it to interact again with
the dense inner region of the simulation.

While our simulations cannot be run for longer than ∼1000 days, and thus we are unable
to see fallback of large amounts of gas onto the central binary that would likely occur later
(see below), there are clearly significant features that display an inward motion of gas in the
lower panels of Fig. 5.1. Note that, while some of the gas with negative radial velocity in
Fig. 5.1 (right-hand column, lower two panels) is due to the orbital motion of the gas, as
explained above, this is not the case for all inbound gas. For example, note the inbound arch
features on the right-hand side of the bottom right panel in Fig. 5.1.

We have based the discussion above on simulations run with 2.3× 105 particles, because
it would have taken a prohibitively long time to run simulations at the highest resolution with
larger initial separations. However, in Fig. 5.1 we display results for the highest resolution
of 2.3 × 106 particles, both because features are sharper at higher resolutions and because
the simulation could be run for longer before the artificial unbinding (see Fig. 3.1 and Sec-
tion 5.1), which has thus far prevented a more conclusive study of fallback gas.

Typically, in these simulations, the companion causes waves of density to ripple out
through the envelope of the primary. In the initial stages of the interaction, a fraction of gas
is unbound due to the pressure exerted by these density waves. However, by ∼1000 days,
these waves have diminished somewhat, and no more mass is being unbound. Instead, as the
waves propagate through the gas, slightly evacuated regions are left behind, into which some
of the surrounding gas will fall. This results in the spiral pattern appearance of the infalling
material. This said, the radial motion of gas pushed out at below escape velocity is complex
in the high density regions of the envelope, and fully analysing the particle trajectories will
have to wait for a longer simulation run.
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Figure 5.1: Slice in the orbital plane for the 100Sep simulation with 2.3 × 106 particles. Left: t = 100 days.
Right: t = 1000 days. Top: specific energy. Middle: radial velocity. Bottom: a rendering of negative radial
velocity. The sink particles are plotted as black dots.
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Tocknell et al. (2014) estimated the time it would take for bound material to return ballis-
tically to the central binary after the end of the simulations of Passy et al. (2012). Assuming
that all the bound gas would fall back towards the centre, Tocknell et al. (2014) calculated
the radius of the circumbinary disc that would form from the infalling gas, by writing down
the equations for the conservation of (specific) angular momentum and energy:

vθ,hh = vθ,discrdisc, (5.2)

where h is the average distance of the bound mass from the central binary at the end of
the simulation, rdisc is the final radius of the circumbinary disc and vθ,h and vθ,disc are the
tangential velocities of the bound mass and of the circumbinary disc, respectively. And:

1
2
v2
θ,h −

GM
h

=
1
2
v2
θ,disc −

GM
rdisc

. (5.3)

Rewriting Equation 5.2 for vθ,disc, substituting into Equation 5.3 and rearranging gives the
quadratic equation: (

v2
θ,h −

2GM
h

)
r2

disc + 2GMrdisc − v2
θ,hh2 = 0, (5.4)

which can be solved to give:

rdisc =
v2
θ,hh2

2GM − v2
θ,hh

. (5.5)

We can determine that, at 1000 days, the bound mass is distributed out to about h = 2500 R�.
We used a value of vθ,hh = 1.7 × 1018 cm2 s−1 from our 100Sep simulation, found dividing
the bound angular momentum (Fig 3.6) by the mass of the bound envelope at t = 200 days
(Fig. 3.1). Hence, dividing vθ,hh by h, we obtain vθ,h = 9.9 × 104 cm s−1, the radius of
the circumbinary disc is estimated to be on the order of 11 R�, which is smaller than the
binary separation, demonstrating that at least some material will re-interact with the binary.
Tocknell et al. (2014) used the equation:

t = π

√√(
h+rdisc

2

)3

GM
, (5.6)

to calculate the time it would take the bound gas to fall back. This yields a fallback timescale
of approximately 6 years for our bound material. Note that this is a very approximate method
of determining fallback time. Unfortunately, this timescale is larger than the time period of
∼1000 days for which we are able simulate at present. Even for the highest resolution runs
(2.3 × 106 particles), we can only simulate for a maximum of 5 years, which is smaller than
the time we calculated for a fallback. While this 6 year fallback timescale is just an approxi-
mation, Tocknell et al. (2014) also mentioned that more accurate calculations have revealed
longer fallback times than their method produces. Therefore, it is not surprising that a full
fallback event is not observed within our simulations.

5.2 Examination of fallback gas in the simulation with a
218 R� initial separation

Interestingly, when we look at the material falling back in a simulation beginning with a
separation of 218 R�, it appears that after the dynamic inspiral there is a short period where



5.2 Examination of fallback gas in the simulation with a 218 R� initial separation 49

Figure 5.2: Slice in the orbital plane for the 218Sep simulation. Left: t = 9 years. Right: t = 10 years. Top:
specific energy. Middle: radial velocity. Bottom: a rendering of negative radial velocity. The sink particles are
plotted as black dots.
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much mass starts to return to the central binary. This occurs within about a year of the end of
the dynamic inspiral, as compared to the 100Sep simulation, for which gas starts to fallback
approximately 2.5 years after the end of the inspiral phase. Although it may previously have
made sense to compare these simulations at similar times after the dynamic inspiral, in this
case we are looking only for the fallback of gas. For the 100Sep simulations, the times of 100
and 1000 days were chosen to emphasize the early and maximal distributions of fallback gas.
Recalling that the orbital separation of the 218Sep is 100 R� at t = 3096 days, we checked
the gas distribution and velocities at 3196 and 4096 days (Fig. 5.2). However, at these times
there appeared to be little fallback. Instead, between times of 9 and 10 years we witness a
clear increase in the amount of fallback gas.

We began the 100Sep simulation with the companion close to the giant’s surface. This
caused gas to be initially unbound in an asymmetric manner, with the star being quite dis-
rupted in the process. The resulting distribution of fallback gas is complex (see Fig. 5.1,
bottom panels). On the other hand, the 218Sep simulation enters the dynamic inspiral con-
siderably more smoothly than the 100Sep simulation, giving the primary plenty of time to
adjust to the potential of the companion. As a result, the companion causes very smooth
waves of density, giving the fallback gas a much more symmetric distribution (see Fig. 5.2,
bottom panels).

Using the approximation outlined in Section 5.1, we can calculate an approximate timescale
for the formation of a fallback circumbinary disc with fallback material. Fig. 4.6 gives a value
for the angular momentum of the bound material of approximately 2.5 × 1052 g cm2 s−1,
which can be divided by the average radial distance of the bound mass, h = 3500 R�, and
the mass of the bound envelope, 0.44 M�, at t = 3300 days, to give vθ,h = 1.1 × 105 cm s−1.
Equation 5.5 then can be used to estimate the radius of the circumbinary disc to be ∼30 R�.
This is explained by the fact that the initial angular momentum is larger in the 218Sep sim-
ulation. From this comparison we conclude preliminarily that to study the formation of
circumbinary discs with simulations, we must start with a simulation that contains an ap-
proximately correct amount of angular momentum. Using Equation 5.6, the fallback time
for this disc is estimated to be ∼10 years, which is much longer than the duration of our
simulation after the fast inspiral phase. Once again we need to be able to run our simulations
for longer to study fallback further.



6
Summary, Conclusions and Future Work

We have carried out simulations of the common envelope interaction using the smoothed
particle hydrodynamics code, Phantom (Price et al., 2015). In these simulations, the primary
star was set up by mapping a 1D stellar profile of density and other quantities into a spher-
ical distribution of gas particles. The core of the star was accreted into a sink particle for
computational speed, and the star was then stabilised by damping all velocities for several
dynamical times. The compact companion was also represented by a sink particle with a
predetermined mass.

These simulations have been benchmarked against one carried out by Passy et al. (2012),
showing good agreement. Our simulations, like all those carried out previously, resulted in
too small a fraction of unbound mass, and in wider post-dynamic inspiral separations than
observed. Nandez et al. (2015) carried out SPH simulations with the inclusion of recombi-
nation energy, which produced large unbound mass fractions and lower final separations. It
is unclear how the addition of recombination energy can lead to both outcomes, as a greater
energy would work to unbind more gas, which generally prevents further inspiral. Those
simulations, however, started with a compact giant primary, something that alone will tend
to result in more compact post-common envelope binaries. It is not clear why, in their at-
tempt to solve this known problem, Nandez et al. (2015) did not consider giants in the same
parameter space as previous simulations.

One of the aims of this project was to determine the effect of gas falling back onto the
binary after the infall phase. While it is clear that we see some of this infalling gas, we
have been unable to run our simulations for long enough to observe the bulk of the material
returning to the centre. This is due to the fact that, at some point in all our simulations, gas
begins to be unbound very quickly. However, the time at which this occurs and the speed of
the unbinding are both resolution dependent. Higher resolution simulations experienced this
sudden unbinding at later times, and the decrease was considerably less extreme. The prob-
lem likely resides in the low densities near the sink particles as the simulation progresses, but
we have as yet been unable to find a solution. Despite the issue of this unphysical unbinding,
we have run the simulations for longer than previous simulations.
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We have compared simulations starting at different orbital separations and in doing so
shown that ignoring the evolution of the system prior to the fast inspiral phase is not a good
approximation. By, simulating the Roche-lobe overflow phase, instead of starting with the
companion on the surface of the primary, we show that the final separation and bound mass
fraction both depend on the initial separation. In addition, the gas distribution after Roche-
lobe overflow is substantially different from the spherical distribution seen in the early phase
of simulations that start with the companion on the surface of the giant star, leading to a
different rapid infall phase.

Furthermore, we attempted to study the tidal interaction phase immediately preceding
Roche-lobe overflow. These simulations could not be completed in the available time. How-
ever, the early part of the simulation, before Roche-lobe overflow, showed a great degree of
stability, where orbital reduction was at the hand of a pseudo-tide driven by numerical viscos-
ity and the oscillation of the giant envelope due to the introduction of the companion into the
computational domain. It is possible that the overall larger angular momentum budget and
the longer time for the star to adjust to changes may alter the final outcome of the interaction.

There are many potential avenues for a continuation of the research in this field. The
primary path to take is to solve the issue of the artificial unbinding. If we are able to run
our simulations for longer, with no artificial unbinding, we will be able to fully examine the
behaviour of fallback gas. A second research avenue is investigating the addition of recombi-
nation energy. As previously mentioned, Nandez et al. (2015) simulated common envelope
interactions using an equation of state that included recombination energy, which resulted
in the ejection of the entire envelope. However, it is clear that more work must be done in
this area to determine the full range of effects that recombination energy should have on the
evolution of a common envelope. The first step would be to determine whether the addi-
tion of recombination energy in the simulation by Passy et al. (2012, reproduced here with
Phantom) helps to eject the envelope and its effect on the final separation. Once established,
we would likely need to investigate the details of the energy release to determine the extent
to which this energy is available; while our simulations are adiabatic, in nature some of the
energy would be radiated away.

Finally, we need to complete our simulations involving the corotating frame. To be able
to fully determine the effect of a corotating star on the system, we will need to stabilise the
star in the corotating frame before proceeding to the common envelope, something that we
have not yet done. This opens the way for a simulation that takes advantage of all of these
effects: a simulation including recombination energy, with a corotating primary star placed
at the beginning of Roche-lobe overflow (or even farther out) and simulated until any remain-
ing bound gas has fallen back onto the binary. Such a simulation would be far more realistic
than previous ones and opens the way for the addition of radiation and magnetic fields, both
of which may be of importance to the interaction.
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Appendix A: Table of Simulations

Sim.
no.

t f
(yrs)

hsoft
(R�)

npart R1
(R�)

ai a f a1000 Mb,1000
(M�)

Cor. Time
(days)

Max
Cores

1 2.74 3 76252 90.06 100 15.5 16.5 0.410 No 3 32
2 5.28 3 225164 92.52 100 14.0 15.9 0.429 No 12 32
3 5.05 3 1070079 93.05 100 14.4 15.6 0.427 No 39 14
4 5.05 3 2338260 93.97 100 14.5 15.7 0.425 No 106 32
5 10.10 3 76191 88.65 218 22.4 23.4 0.330 No 10 16
6 10.10 3 225162 90.95 218 24.0 22.0 0.416 No 22 14
7 22.37 3 225162 90.95 218 22.4 24.0 0.394 Yes 55 32
8 4.36 3 109967 89.45 300 299.5 - - No 30 14
9 2.91 3 225162 90.95 300 299.8 - - No 77 14

Table A.1: Parameters for the simulations mentioned in this work; t f is the length of time for which the
simulation was run, hsoft is the softening length of the sink particles, npart is the number of particles in the
simulation, R1 is the radius of the primary at t = 0, ai is the initial orbital separation, a f is the final orbital
separation, a1000 is the orbital separation 1000 days after the beginning of inspiral and Mb,1000 is the bound
envelope mass 1000 days after the beginning of inspiral.

Table A.1 gives an overview of the basic parameters of the different simulations that were
carried out for this work. There are some other simulations that were carried out behind the
scene in order to calibrate the code and attempt to solve the artificial unbinding issue, but
they were not included in this set. Note also that the simulations labelled 5 and 8 in Table A.1
were not included in the results of the thesis, but are the beginnings of a resolution test for
the 218 and 300 R� initial separation simulations.
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Appendix B: Movies and Code

For visualisations of some of the simulations that have been discussed in the thesis, movies
can be viewed by following the links below. The final link gives the Fortran 90 code that has
been used for analysis of the simulations.

100 R� initial separation, 2.3 × 106 particles, inertial reference frame
http://web.science.mq.edu.au/~orsola/Thomas/100Movie.mp4

218 R� initial separation, 2.3 × 105 particles, inertial reference frame
http://web.science.mq.edu.au/~orsola/Thomas/218Movie.mp4

218 R� initial separation, 2.3 × 105 particles, corotating reference frame
http://web.science.mq.edu.au/~orsola/Thomas/218CorMovie.mp4

Further, for a movie of Fig. 3.9 (comparison of density around the sinks for different resolu-
tions), please visit:
http://web.science.mq.edu.au/~orsola/Thomas/SinkEvacuation.mp4

The code used to calculate energies, angular momenta, orbital separation and bound/unbound
mass can be viewed below. Note that this code is dependent on functions defined elsewhere
in the Phantom code, and hence cannot be run independently.
http://web.science.mq.edu.au/~orsola/Thomas/FortranCode.pdf

http://web.science.mq.edu.au/~orsola/Thomas/100Movie.mp4
http://web.science.mq.edu.au/~orsola/Thomas/218Movie.mp4
http://web.science.mq.edu.au/~orsola/Thomas/218CorMovie.mp4
http://web.science.mq.edu.au/~orsola/Thomas/SinkEvacuation.mp4
http://web.science.mq.edu.au/~orsola/Thomas/FortranCode.pdf
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